
Lesson 2: 

Thermal History of our universe 





Event Time Redshift Temperature

Baryogenesis ? ? ?

EW phase transition 2⇥ 10�11
s 1015 100GeV

QCD phase transition 2⇥ 10�5
s 1012 150MeV

Neutrino decoupling 1s 6⇥ 109 1MeV

Electron-positron annihilation 6s 2⇥ 109 500keV

Big bang nucleosynthesis 3min 4⇥ 108 100keV

Matter-radiation equality 6⇥ 104yrs 3400 .75eV

Recombination 2.6� 3.8⇥ 105yrs 1100-1400 .26� .33eV

CMB 3.8⇥ 105yrs 1100 .26eV

Baryogenesis: As we discussed in lecture 5, there is an asymmetry between baryons and
anti-baryons that cannot be explained by the standard model of particle physics. Thus at
energies above 1TeV there must be some new physics that generates this asymmetry. While
there are many di↵erent theoretical ideas, there is no experimental test of any of these so
we cannot associate a time to baryogenesis. Since the observed universe is neutral under the
electric charge, there must be a similar asymmetry between electrons and positrons so that
after their annihilation we are left with one electron for each proton.

Electroweak-phase transition: During this phase transition that we discussed last time,
the particles get their mass due to the so called Higgs e↵ect. Once the standard model
particles are massive they start to drop out of equilibrium whenever the temperature of the
universe (i.e. the thermal bath) becomes smaller than their mass. Then the particles start
to annihilate with their anti-particles and their number densities decrease exponentially.
The remaining matter in our observed universe is due to the matter-anti-matter asymmetry
mentioned above.

QCD phase transition: The strong force is weaker at higher energies (temperatures)
and becomes stronger and stronger during the cooling of the universe. Around 150MeV the
strong force is so strong that free gluons and quarks cannot exist anymore and all the quarks
are bound into so called baryons and mesons. These are bound states that are neutral under
the strong force. The lightest baryons are the familiar proton and neutron. There are also
heavier baryons and mesons that can be lighter than the proton and neutron but all of these
are unstable and quickly decay. So a little bit after the QCD phase transition we are left
with essentially only protons and neutrons that are the building blocks for the atomic nuclei.

Neutrino decoupling: As we discussed today, at around 1MeV the weak interaction
becomes so weak that particles that are only charged under the weak force, i.e. the neutrinos,
decouple from the thermal plasma. These neutrinos, similarly to the photons in the CMB,
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2.1 Particle distribution functions  
•The usual way of describing particles in thermal equilibrium is via their 
distribution function, indicating the number of particles in the phase space 
with a given position x and a momentum p. At 0th order, we have the Bose 
Einstein or the  Fermi-Dirac distributions: 

• fBE =
1

e(E�µ)/T � 1
fFD =

1

e(E�µ)/T + 1
•The number and energy densities and the pressure read as:

n =
g

(2⇡)3

Z
f(~x, ~p)d3xd3p

⇢ =
g

(2⇡)3

Z
E(~p)f(~x, ~p)d3xd3p

p =
g

(2⇡)3

Z
p2

3E(p)
f(~x, ~p)d3xd3p

•While the entropy density is
s ⌘ ⇢+ p

T

•Warning! you will have to 
work with this expression in 
the “Hands in Cosmology” 
session



2.2 BOLTZMANN EQUATIONS 

•Throughout the universe’s history, particles remain in thermal equilibrium until their 
interaction rate is equal or larger than the expansion rate of the universe. Then, the 
particle will decouple from the thermal bath. Of course this is an approximation:

� . H

Lf = Cf

•where f is the distribution function, L is the Liouville operator, and C contains all 
the collision terms.

•In classical mechanics: L̂ =
d

dt
+ ~v · ~rx + ~F/m · ~rv

•The relativistic version is: L̂ = p↵
@
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•FRW geometry: L̂f = E
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•The accurate calculation requires to solve the Boltzmann equation: 

P↵ = (E, ~P ) P↵ =
dx↵

d�



2.2 BOLTZMANN EQUATIONS 

L̂ =
d

dt
+ ~v · ~rx + ~F/m · ~rv

•The non-relativistic Boltzmann equation: the Liouville operator is just the total  
time derivative
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where the ‘collision’ term C gives the rate of particles being created and destroyed (annihilations,
decays), and scattering events that transfer momentum from p0 into p, or from p into p00, which all
lead to a change in f(x,p, t). Dividing through we therefore have

f(x+ p
mdt,p+ Fdt, t + dt) � f(x,p, t)

dt
=

@

@t
f(x,p, t) +

pi

m

@

@xi
f(x,p, t) + F i @

@pi
f(x,p, t)

= C(x,p, t). (125)

The Boltzmann equation can therefore be written

LNRf = C, (126)

where since F = dp/dt and p/m = dx/dt

LNR =
@

@t
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dxi

dt

@

@xi
+

dpi
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@pi
=

d

dt
. (127)

This is of course just what you’d expect when writing out the total derivative in terms of partial
derivatives: the Boltzmann equation just gives the total change in the distribution function with time
accounting for particles moving under a force and collisions.

B. Relativistic Boltzmann equation

The relativistic generalisation is the total derivative with respect to an a�ne parameter � along
some world line (e.g. could be taken to be proportional to the proper time):

L̂ =
d

d�
=

dxµ

d�

@

@xµ
+

dpµ

d�

@

@pµ
. (128)

The second term encodes the change in the distribution function just from changes in momentum as
particles move along geodesics (or in principle also the e↵ect of external forces). As in Sec. I C we can
choose to normalize the a�ne parameter so that

pµ =
dxµ

d�
, (129)

so the geodesic equation becomes

dpµ

d�
+ �µ

↵�p↵p� = 0. (130)

Assuming there are no external (non-gravitational) forces, the particles will follow geodesics, so the
relativistic generalisation of L̂ in Eq. (128) can then be written

L̂ = pµ
@

@xµ
� �µ

↵�p↵p�
@

@pµ
. (131)

Here pµpµ = E2
� p2 = E2

� p2 = m2.
For the isotropic and homogenenous FRW model, the distribution function fA can be taken to only

depend on p0 (the energy), such that fA = fA(E, t) (or equivalently on |p| via m2 = E2
� p2). So

only the µ = 0 components do not vanish, and we find using the FRW metric

L̂[fA] =


E

@

@t
�

ȧ

a
p2

@

@E

�
fA(E, t) . (132)

this by showing that the Jacobian from ⌘ to ⌘0 is constant, see e.g. http://www.nyu.edu/classes/tuckerman/stat.
mech/lectures/lecture_2/node2.html. Clearly if dN is constant (no collision), and d3xd3p is constant, then f must
be constant, which is just the collisionless Boltzmann equation.
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2.2 BOLTZMANN EQUATIONS 

•The relativistic version is: 

L̂ = p↵
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•FLRW geometry, the only non-vanishing component is α = 0: 
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We can also write the Boltzmann equation in terms of the number density

nA = 4⇡

Z
dpp2fA(E, t) , (133)

by dividing Eq. (132) by the energy and then integrating over the momentum,
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fA (134)

= ṅA + 3HnA , (135)

where we used m2 = E2
� p2 so pdp = EdE and integrated by parts. Notice that in the absence of

interactions, the Boltzmann equation would reduce to:

ṅA + 3HnA = 0 , (136)

just the conservation of particles per comoving volume, d(a3nA)/dt = 0, when there are no interactions
or decays. For very massive particles (so ⇢A = mAnA, PA = 0) it is just the energy conservation
equation.

C. The Collision operator

The collision operator roughly gives the change in the number of particles A due to interactions or
spontaneous decays. That is, given a space volume d3pd3x, it would give the number of particles “in”
minus the number “out”. For a process of the kind A + X $ Y , where X and Y denote collectively
any set of other particles, in the case of a homogeneous and isotropic universe we have

ṅA + 3HnA = �R(AX!Y )nAnX + R(Y!AX)nY (137)

= ��(AX!Y )nA + �(Y!AX)nY (138)

for some forward and backward rate coe�cients, R = h�vi, �(AX!Y ) = R(AX!Y )nX , and �(Y!AX)

is the spontaneous decay rate. Here we’ve assumed occupation numbers are low (e.g. all massive
particles), so there are no fermi blocking or bose enhancement e↵ects: the rate of producing Y is
independent of the existing Y . The equation immediately shows that for � ⌧ H the collision term is
small compared to the Hubble expansion, so the system will go out of equilibrium.

For annihilation and inverse annihilation A + Ā $ Y + Ȳ we have

ṅA + 3HnA = �R(ĀA!Ȳ Y )nAnĀ + R(Ȳ Y!ĀA)nY nȲ . (139)

In equilibrium the RHS must be zero to have no net change in particle numbers so the rates are related
by

R(Ȳ Y!ĀA)n
(eq)
Y n(eq)

Ȳ
= R(ĀA!Ȳ Y )n

(eq)
A n(eq)

Ā
. (140)

This relation is called detailed balance, and can be very useful for relating the backward and forward
rates.

D. Relic abundance of massive stable particles

If the species A is stable, then the dominant process which can change the number of particles in a
comoving volume are the annihilation and inverse annihilation A+ Ā $ X + X̄. We will also assume
that there is no asymmetry between particles and antiparticles, and that X and X̄ are in thermal
equilibrium, i. e.,

nA = nĀ , (141)

nX = nX̄ = n(eq)
X (142)

•We can also write the Boltzmann equation in terms of the number density:
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•Dividing by the energy and integrating over the momentum:



•Simplifying the possible processes (1+2 ↔3+4):

dn
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+ 3Hn =

Z
d
3
p1

(2⇡)32E1
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⇥(2⇡)4�3(p1 + p2 � p3 � p4)�(E1 + E2 � E3 � E4)|M|2

In an expanding universe, the number of particles gets diluted!  

In the absence of interactions, n / a�3

Production rate of 1 is proportional to the occupation numbers  
of 3 and 4

Energy-momentum tensor conservation

Particle Physics

2.2 BOLTZMANN EQUATIONS 

Loss rate of 1 is proportional to the occupation numbers  
of 1 and 2

⇥(f3f4 � f1f2)



2.2 BOLTZMANN EQUATIONS 

•At temperatures smaller than             :E � µ f(E) ! eµ/T e�E/T

• Therefore :

f3f4 � f1f2 ! e�(E1+E2)/T
⇣
e(µ3+µ4)/T � e(µ1+µ2)/T

⌘

• Using the following definitions for the number density and the equilibrium 
number density of species as:
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!• Using these two expressions:



2.2 BOLTZMANN EQUATIONS 

•Defining the thermally averaged cross-section as:
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•After defining the thermally-averaged cross section, as we have seen:
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•where the equilibrium density: n0
i ⌘ gi
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2.2 BOLTZMANN EQUATIONS 



•When looking into the DM annihilating case, XX ↔	ll, 3 and 4 will not couple 
anymore and therefore: 
 n3n4 = n0

3n
0
4

dnX
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+ 3HnX = h�vi
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2
X
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2.2 BOLTZMANN EQUATIONS 
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1 2 3 4
• Neutron-Proton ratio

• Recombination

•Dark matter production



2.3 Particle decoupling in the early universe: Neutrinos

•We have seen that a very easy and straightforward hand-waving rule to compute 
a particle decoupling time in the early universe is:

•While the expansion rate of the universe is given by the Hubble factor:

� . H

•Neutrinos only interact via weak interactions, with a rate:

�⌫ = n�v ' T 3G2
FT

2 ⇠ G2
FT

5

H
2 =

8⇡G

3
⇢ ⇠ T

4
/m

2
pl

�⌫/H ⇠
✓

T

1 MeV

◆3

•Therefore neutrinos decouple from the thermal bath around 1 MeV.

See Sergio Pastor’s lectures



•The entropy density is: 

¿How are related the photon and the neutrino temperatures? 

•Electron positron annihilation takes place AFTER neutrino decoupling. 

•In an expanding universe the entropy density pero comoving volume is 
conserved: 

•Boson’s entropy contribution:  
•Fermion’s entropy contribution:  

s ⌘ ⇢+ p

T

2⇡2T 3/45

7/8⇥ 2⇡2T 3/45

•Before electron/positron annihilation= electrons (g=2),  
positrons (g=2), neutrinos (3), antineutrinos (3)  and photons (g=2) therefore: 

•After, only neutrinos, antineutrinos and photons but at different temperature!
s(a2) = 2⇡2/45(2T 3

� + 7/8(3 + 3)T 3
⌫ )

s(a1) = 2⇡2T 3
1 /45(2 + 7/8(2 + 2 + 3 + 3))

s(a1)a
3
1 = s(a2)a

3
2 a1T1 = a2T⌫

✓
T⌫

T�

◆
=

✓
4

11

◆1/3

2.3 Particle decoupling in the early universe: Neutrinos
See Sergio Pastor’s lectures



•Relativistic particles in equilibrium: photons, electrons and positrons (e+e-↔ 𝛾𝛾) 
•Decoupled relativistic particles: neutrinos  
•Non-relativistic particles (baryons): 

⌘b ⌘
nb

n�
= 5.5⇥ 10�10

✓
⌦bh2

0.020

◆

•There are way less baryons than photons! 

Nuclear binding energies are of a few MeV, that’s why BBN occurs when the 
temperature of the universe is around 1 MeV, being the universe made of:

•Neutrons and protons interact via weak interactions: 

•Light elements are formed via nuclear interactions:

p+ ⌫̄ $ n+ e+ p+ e� $ n+ ⌫ n $ p+ e� + ⌫̄

p+ n !D+� D +D ! n+ 3
He

3
He+D ! p+ 4

He

•Calculations will be way simpler because we will assume that: 
•We neglect elements heavier than Helium/Lithium. 
•At temperatures above 0.1 MeV only free protons and neutrons exist (at higher 
temperatures, any time a nucleus is formed, it is destroyed by a high-energy 
photon)

2.4 Big Bang Nucleosynthesis (BBN)
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•We have seen that: n0
i ⌘ gi
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e(mn+mp�mD)/T•Therefore

•The factor 3/4 refers to the spin states (g). Simplifying a bit more:

nn, np / nb
nD

nb
⇠ ⌘b

✓
T

mp

◆3/2

e(BD)/T

where BD=2.2 MeV. If the condition T<<BD does not apply, all baryons are protons 
and neutrons: no light elements! This is what happens at T> 0.1 MeV. For T < 0.1 
MeV, deuterium and helium are produced, but not heavier elements, as there are 
not heavy stable isotopes with mass number A=5 to be produced as: 
In stars, the process: 

takes place but in the early universe densities are far too low to allow for such a 
process!

4
He+4

He+4
He !12

C

•In equilibrium:

4
He+ p ! X

n� = n0
�

2.4 Big Bang Nucleosynthesis (BBN)



2.4 Big Bang Nucleosynthesis (BBN)
nD

nb
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✓
T

mp

◆3/2

e(BD)/T

The deuterium equilibrium abundance is of order of the baryon abundance if:

ln(⌘b) + 3/2 ln(T/mp) ' �BD/T

suggesting that deuterium production starts at  T= 0.07 MeV or so.  

Helium is favoured over Deuterium, as its binding energy is larger! 
Almost all remaining neutrons at 0.07 MeV ended up into Helium. Since two 
neutrons go into Helium, the final Helium abundance is half the neutron abundance 
at that temperature, with a final abundance of 0.24 or so. 

Not all Deuterium is processed into Helium, though!



2.4 BBN

Big Bang Nucleosynthesis
• Integrating the Boltzmann equation for nuclear processes during

first few minutes leads to synthesis and freezeout of light elements
24. Big-Bang nucleosynthesis 3

Figure 24.1: The primordial abundances of 4He, D, 3He, and 7Li as predicted
by the standard model of Big-Bang nucleosynthesis — the bands show the 95%
CL range [5]. Boxes indicate the observed light element abundances. The narrow
vertical band indicates the CMB measure of the cosmic baryon density, while the
wider band indicates the BBN D+4He concordance range (both at 95% CL).

predictions and thus in the key reaction cross sections. For example, it has been suggested
[31,32] that d(p, γ)3He measurements may suffer from systematic errors and be inferior to

December 1, 2017 09:35



2.5 Recombination

Para explicar esto, consideremos el proceso 

•At temperatures above 1 eV, electrons and photons interact via Compton, while 
electrons and protons via Coulomb scattering  

•Some hydrogen atoms are formed, however photons are much more numerous than 
baryons and they are ionised very fast!
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Recombination
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Saha equation fails to describe the recombination process once that equilibrium  
becomes difficult to maintain:
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2.5 Photon decoupling

•Photons decoupled from electrons when the Compton interaction rate is below 
the universe’s expanding rate:

Thomson cross section= 
0.665 10-24 cm2
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Xe�T⌦bh
2
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⇢critmp = H

H
2(a) = H

2
0 (⌦m(a) + ⌦r(a) + ⌦de(a))

The redshift at which decoupling takes place is z=1000, and therefore it happens 
during the recombination epoch!
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2.6 Particle decoupling in the early universe:  
                     Dark Matter decoupling and freeze-outSee Sergio Palomares’ lectures

7.8 Weakly Interacting Massive Particles (WIMPs)

Consider particles like ordinary neutrinos that interact only by weak interactions. Call
them χ to distinguish from known “sequential” neutrinos.

Annihilation processes are of the following form, where the actual final states of course
depend on the χ mass and thus on the available energy

χ̄

χ

ℓ+ or ν̄ or q̄

ℓ− or ν or q

Assume mass of weakly interacting particles is below the Z–mass. Dirac annihilation cross
section

σ0 = ⟨σvrel⟩Dirac ∼
G2

Fm
2

2π
× channels× coupling constants ∼ 5

2π
G2

Fm
2 ∼ G2

Fm
2

Assume freezes out before QCD transition, so g∗ ∼ 60. Freeze-out conditions, taking in
the logarithmic terms m = 1 GeV,

σ0mPlm ∼ G2
FmPlm

3 = 1.7× 109m3
GeV where mGeV =

m

1 GeV

Freeze-out temperature

xF = 18.8 + 3 logmGeV

The mass number density today roughly

YF ∼ 1.1× 10−8 m−3
GeV (1 + 0.16 logmGeV)

The number density today is

nχχ̄ = YFs0

where the entropy density today is

s0 = g∗s
2π2

45
T 3
0 where T0 = 2.725 K

The effective entropy density today includes photons with full strength (bosons) g∗γ = 2
and 6 fermionic degrees for neutrinos, which however have reduced number density relative
to photons of by the factor 4

11 , so they have g∗νν̄ = 7
8 × 6× 4

11 = 21
11 . So as discussed earlier

g∗s =
43

11
⇒ s0 =

43

11

2π2

45
(2.725 K)3 = 2894 cm−3

106

dnX

dt
+ 3HnX = h�vi

�
(n0

X)2 � n
2
X

�

n3 = n(0)
3

dn

dt
+ 3Hn = n

0
1n

0
2h�vi

✓
n3n4

n
0
3n

0
4

� n1n2

n
0
1n

0
2

◆

n4 = n(0)
4

Y ⌘ nX

T 3

dY

dt
= T 3h�vi

�
Y 2
EQ � Y 2

�



dY

dt
= T 3h�vi

�
Y 2
EQ � Y 2

�

•This equation is a Riccatti-like one (with no analytical solutions) 

•For very high temperatures, x <<1, reactions happen really FAST! Y= YEQ. 
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See Sergio Palomares’ lectures

2.6 Particle decoupling in the early universe:  
                     Dark Matter decoupling and freeze-out



•For x>>1, YEQ is exponentially suppressed, and the dark matter number density 
is so low that the interaction is no longer effective: FREEZE OUT  

Y1 ' xf

�

PHYS 652: Astrophysics 94

Figure 29: Abundance of heavy stable particle as the temperature drops beneath its mass. Dashed line is
equilibrium abundance. Two different solid curves show heavy particle abundance for two different values
of λ, the ratio of the annihilation rate to the Hubble rate. Inset shows that the difference between quantum
statistics and Boltzmann statistics is important only at temperatures larger than the mass.

its energy density today is equal to
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3
0 = ρX(a1)a

3
1 =⇒ ρX(a0) = ρX(a1)

(

a1

a0

)3

mXnX(a1)

(

a1

a0

)3

, (359)

where a1 corresponds to the time when Y has reached its asymptotic value of Y∞. The number
density at that time is [from the definition Y ≡ nX/T 3 in eq. (350)] nX = Y∞T 3

1 , so
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At the first glance, we may expect that the ratio in the parenthesis is unity because we have used
T ∝ a−1. However, this is only true after the annihilations of many particles in the primordial soup
has been completed — such annihilation raise the temperature of the Universe. (We have already
talked about an example of this: annihilation of electrons and positrons heats up photons, while
neutrinos, which have decoupled shortly before that remain unaffected.) This means that the ratio
(a1T1)/(a0T0) has to be computed from the entropy density argument, and the fact that it scales
as a−3, as we have computed earlier (Lecture 9):
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•Assuming weak-like interacting cross sections:

⌦Xh2 ⇠ 0.1 “The WIMP miracle”!

See Sergio Palomares’ lectures
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7 BIG BANG NUCLEOSYNTHESIS 85

p + n → 2H + γ
2H + p → 3He + γ
2H + 2H → 3H + p
2H + 2H → 3He + n

n + 3He → 3H + p

p + 3H → 4He + γ
2H + 3H → 4He + n
2H + 3He → 4He + p
4He + 3He → 7Be + γ
4He + 3H → 7Li + γ
7Be + n → 7Li + p
7Li + p → 4He + 4He

The cross sections of these strong reactions can’t be calculated from first prin-
ciples, i.e., from QCD, since QCD is too difficult. Instead one uses cross sections
measured in laboratory. The cross sections of the weak reactions (10) are known
theoretically (there is one parameter describing the strength of the weak interac-
tion, which is determined experimentally, in practice by measuring the lifetime τn

of free neutrons). The relevant reaction rates are now known sufficiently accurately,
so that the nuclear abundances produced in BBN (for a given value of η) can be
calculated with better accuracy than the present abundances can be measured from
astronomical observations.

The reaction chain proceeds along stable and long-lived (compared to the nu-
cleosynthesis timescale—minutes) isotopes towards larger mass numbers. At least

lower, but the densities are higher and there is more time available. In addition, second generation
stars contain heavier nuclei (C,N,O) which can act as catalysts in helium production. Some of the
most important reaction chains in stars are [Karttunen et al: Fundamental Astronomy, s. 251] :

1. The proton-proton chain

p + p →
2H + e+ + νe

2H + p →
3He + γ

3He + 3He →
4He + p + p,

2. and the CNO-chain

12C + p →
13N + γ

13N →
13C + e+ + νe

13C + p →
14N + γ

14N + p →
15O + γ

15O →
15N + e+ + νe

15N + p →
12C + 4He.

The cross section of the direct reaction d+d →
4He + γ is small (i.e., the 3H + p and 3He + n

channels dominate d+d →), and it is not important in either context.
The triple-α reaction 4He+ 4He+ 4He →

12C, responsible for carbon production in stars, is also
not important during big bang, since the density is not sufficiently high for three-particle reactions
to occur (the three 4He nuclei would need to come within the range of the strong interaction within
the lifetime of the intermediate state, 8Be, 2.6×10−16 s). (Exercise: calculate the number and mass
density of nucleons at T = 1 MeV.)



Event Time Redshift Temperature

Baryogenesis ? ? ?

EW phase transition 2⇥ 10�11
s 1015 100GeV

QCD phase transition 2⇥ 10�5
s 1012 150MeV

Neutrino decoupling 1s 6⇥ 109 1MeV

Electron-positron annihilation 6s 2⇥ 109 500keV

Big bang nucleosynthesis 3min 4⇥ 108 100keV

Matter-radiation equality 6⇥ 104yrs 3400 .75eV

Recombination 2.6� 3.8⇥ 105yrs 1100-1400 .26� .33eV

CMB 3.8⇥ 105yrs 1100 .26eV

Baryogenesis: As we discussed in lecture 5, there is an asymmetry between baryons and
anti-baryons that cannot be explained by the standard model of particle physics. Thus at
energies above 1TeV there must be some new physics that generates this asymmetry. While
there are many di↵erent theoretical ideas, there is no experimental test of any of these so
we cannot associate a time to baryogenesis. Since the observed universe is neutral under the
electric charge, there must be a similar asymmetry between electrons and positrons so that
after their annihilation we are left with one electron for each proton.

Electroweak-phase transition: During this phase transition that we discussed last time,
the particles get their mass due to the so called Higgs e↵ect. Once the standard model
particles are massive they start to drop out of equilibrium whenever the temperature of the
universe (i.e. the thermal bath) becomes smaller than their mass. Then the particles start
to annihilate with their anti-particles and their number densities decrease exponentially.
The remaining matter in our observed universe is due to the matter-anti-matter asymmetry
mentioned above.

QCD phase transition: The strong force is weaker at higher energies (temperatures)
and becomes stronger and stronger during the cooling of the universe. Around 150MeV the
strong force is so strong that free gluons and quarks cannot exist anymore and all the quarks
are bound into so called baryons and mesons. These are bound states that are neutral under
the strong force. The lightest baryons are the familiar proton and neutron. There are also
heavier baryons and mesons that can be lighter than the proton and neutron but all of these
are unstable and quickly decay. So a little bit after the QCD phase transition we are left
with essentially only protons and neutrons that are the building blocks for the atomic nuclei.

Neutrino decoupling: As we discussed today, at around 1MeV the weak interaction
becomes so weak that particles that are only charged under the weak force, i.e. the neutrinos,
decouple from the thermal plasma. These neutrinos, similarly to the photons in the CMB,

6



•Neutron-to-proton ratio p+ e� ! n+ ⌫e

•In equilibrium, the neutron-to-proton ratio in the non-relativistic limit reads as: 

n(0)
p

n(0)
n

= eQ/T Q ⌘ mn �mp = 1.293 MeV

•At high temperatures, there are as many protons as neutrons. As temperature 
decreases, the neutron fraction goes down.
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2.4 Big Bang Nucleosynthesis (BBN)


