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Introduc4on	  to	  the	  sky	  –	  as	  observed	  by	  the	  Planck	  satellite	  

What	  is	  Planck?	  (What	  is	  this	  projec=on?)	  	  
The	  emission	  mechanisms	  of	  the	  interstellar	  medium	  traced	  in	  this	  frequency	  range.	  

L. Montier UTL - 18 Juin 2015

Les cartes d’intensité de la lumière 

2013 

I   Le satellite Planck livre ses secrets



The	  Planck	  satellite	  	  

The	  Planck	  satellite	  was	  launched	  in	  April	  2009	  and	  observed	  
the	  sky	  for	  4.5	  years	  (un/l	  October	  2013):	  
in	  total	  intensity	  and	  polariza4on.	  
	  
Planck	  was	  designed	  to	  observed	  the	  anisotropies	  of	  the	  
Cosmic	  Microwave	  Background	  (CMB):	  the	  primordial	  
radia/on	  from	  the	  Universe.	  
	  
-‐	  Frequency	  coverage:	  9	  channels	  from	  30	  to	  857	  GHz.	  
-‐	  Spa/al	  resolu/on:	  30’	  (size	  of	  the	  Moon)	  to	  5’	  

(We	  are	  here!)	  
	  

There	  is	  a	  lot	  between	  us	  
the	  and	  CMB!	  	  

ESA	  Planck	  

Credits:	  NASA	  



What	  do	  these	  observa4ons	  show	  us?	  

Owing	  to	  the	  frequency	  coverage	  of	  Planck,	  its	  sky	  maps	  
trace	  the	  four	  emission	  mechanisms	  (in	  the	  con/nuum)	  
that	  we	  known	  of	  in	  the	  interstellar	  medium:	  
	  
	  
•  Synchrotron	  emission	  
•  Bremsstrahlung	  (free-‐free)	  emission	  
•  “Anomalous”	  microwave	  emission	  
•  Dust	  emission	  

Plus,	  Planck	  also	  mapped	  the	  polarized	  emission	  
in	  7	  of	  its	  9	  frequencies	  à	  another	  dimension	  to	  
our	  studies	  of	  the	  interstellar	  medium.	  

J.	  Aumont,	  2013	  ESLAB	  



Polarized	  sky	  observed	  by	  Planck	  

Real	  maps	  of	  the	  polarized	  sky	  to	  come…	  L. Montier UTL - 18 Juin 2015
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Outline	  

1.	  The	  interstellar	  medium	  
	  

2.	  Radia/on:	  thermal	  vs	  non-‐thermal,	  polarized	  
	  

3.	  (Cyclo-‐)	  Synchrotron	  emission	  
	  

4.	  Thomson/Compton	  sca`ering	  
	  

5.	  Bremsstrahlung	  (free-‐free)	  emission	  
	  

6.	  Anomalous	  microwave	  emission	  
	  

7.	  Dust	  emission	  

Warning:	  This	  course	  may	  be	  slightly	  biased	  (my/observer’s	  approach).	  
Lecture	  mostly	  based	  on:	  	  
-‐  series	  of	  recent	  papers	  on	  results	  from	  Planck	  
-‐  G.	  B.	  Rybicki	  and	  A.	  P.	  Lightman,	  Radia=ve	  Processes	  in	  Astrophysics,	  1979,	  NY,	  Wiley-‐Interscience	  
-‐  B.	  Draine,	  Physics	  of	  the	  Interstellar	  and	  Intergalac=c	  medium,	  2011,	  Princeton	  Univ.	  Press	  



1.	  The	  interstellar	  medium	  



The	  interstellar	  medium	  

The	  interstellar	  medium	  (ISM)	  is	  the	  tenuous	  medium	  in	  which	  the	  stars	  of	  our	  Galaxy	  are	  embedded.	  	  
 The Galactic environment  

in the visible

Op/cal	  map	  of	  the	  
Galaxy	  (Mellinger	  2009)	  



The	  interstellar	  medium	  (ISM)	  is	  the	  tenuous	  medium	  in	  which	  the	  stars	  of	  our	  Galaxy	  are	  embedded.	  	  

HFI sub-mm wavelengths

 The Galactic environment  

Interstellar medium (ISM) is far from being empty !
 Gas (HI) and dust (only 1%)       

(Planck 2013 results. I)

The	  interstellar	  medium	  

Sub-‐mm	  map	  of	  the	  Galaxy	  



The	  interstellar	  medium	  -‐	  composi4on	  

The	  interstellar	  medium	  (ISM)	  is	  the	  tenuous	  medium	  in	  which	  the	  stars	  of	  our	  Galaxy	  are	  embedded:	  	  
	  
-‐	  tenuous,	  since	  the	  density	  is	  around	  3	  x	  10-‐24	  g/cm3,	  which	  corresponds	  to	  about	  1	  H	  atom/cm3;	  
-‐	  most	  of	  the	  mass	  of	  our	  Galaxy	  is	  in	  stars,	  10-‐15%	  of	  it	  is	  in	  the	  ISM.	  

The	  ISM	  is	  composed	  of:	  
	  
•  Ordinary	  ma`er	  	  

	  gas	  (atoms,	  molecules,	  ions,	  and	  electrons)	  
	  
	  
	  

	  dust	  
	  
	  
	  
•  Rela/vis/c	  charged	  par/cles	  (cosmic	  rays)	  
	  
•  Magne/c	  fields	  

L. Montier UTL - 18 Juin 2015

III  Le ciel polarisé dans notre Galaxie
Les grains de poussière

Grosses 
molécules Gros Grains

Coeur de carbone / silicate
+ Manteau de glace
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molécules carbonées

Cycles
Carbone-Hydrogène

L. Montier UTL - 18 Juin 2015

Les acteurs en présence

III  Le ciel polarisé dans notre Galaxie

Les étoiles

Les électrons

Le Champ 
Magnétique

Les grains de 
poussière
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The	  interstellar	  medium	  –	  life	  cycle/energe4cs	  

Stars	  are	  born	  (and	  die)	  in	  large	  clouds	  of	  gas	  and	  dust,	  which	  change	  (in	  composi/on,	  density,	  
structure,	  etc.)	  at	  each	  genera/on.	  

	  
	  	  

Star	  forma/on	  is	  the	  result	  of	  the	  interplay	  between	  the	  energy	  agents	  in	  the	  ISM:	  	  
Thermal,	  gravita/onal,	  kine/c,	  cosmic	  ray,	  magne/c	  and	  in	  photons	  

L. Montier UTL - 18 Juin 2015

III  Le ciel polarisé dans notre Galaxie

Les étoiles naissent et meurent au coeur de ces vastes nuages de gaz
et de poussière, qui s’enrichissent à chaque nouvelle génération

Le Gaz et la poussière

La gaz est parfois ionisé Production d’électrons

Op/cal	  map	  of	  part	  of	  the	  Galac/c	  
plane	  and	  the	  ρ	  Ophiuchi	  cloud	  
Credits:	  APOD,	  Ivan	  Eder	  



The	  interstellar	  medium	  –	  life	  cycle/energe4cs	  

M.I.R.Alves – CNES 13/05/2014 ! 2/15!

The interstellar medium (ISM)!

•  Interstellar gas: ions, atoms and 
molecules in the gas phase !

•  Interstellar dust: small solid 
particles mixed with the gas!

Energy in the ISM:!
Thermal, gravitational, kinetic, 
cosmic ray, magnetic and in photons!
!

Different processes and phases of the ISM !
! related to different emission mechanisms!

Diffuse	  and	  dense	  clouds	  of	  
hydrogen	  and	  dust:	  dust	  and	  

anomalous	  microwave	  
emission.	  

Different	  processes	  and	  phases	  of	  the	  ISM	  are	  related	  to	  different	  emission	  mechanisms.	  	  
Where	  does	  each	  of	  the	  ISM	  emission	  mechanisms	  dominate?	  

Massive	  stars	  that	  ionize	  
the	  surrounding	  medium:	  

free-‐free	  emission.	  

Supernova	  remnants	  that	  
inject	  rela/vis/c	  par/cles:	  
synchrotron	  emission.	  

This	  is	  a	  simple	  picture,	  since	  the	  ISM	  is	  much	  more	  complex.	  
To	  come:	  maps	  of	  the	  different	  components	  where	  we	  will	  see	  that	  some/mes	  they	  overlap,	  but	  

there	  are	  also	  well	  defined	  regions	  where	  one	  component	  dominates.	  



2.	  Radia4on	  



Radia4on	  -‐	  introduc4on	  

Credits:	  NASA’s	  image	  of	  the	  Universe	  

Electromagne/c	  radia/on	  can	  be	  decomposed	  into	  a	  spectrum	  covering	  a	  large	  range	  in	  energy:	  
10-‐6	  eV	  in	  the	  radio	  to	  106	  eV	  in	  gamma-‐rays.	  
	  
Radia/on	  is	  represented	  in	  terms	  of:	  wavelength	  λ,	  frequency	  ν,	  energy	  E	  or	  temperature	  T.	  

Chapter 1

Fundamentals of Radiative
Transfer

Reference: Rybicki & Lightman, Chapter 1

In this chapter we are mainly concerned with the transfer of radiation in the
geometric optics limit, which is to say that we ignore its wave properties. We
regard the propagation of electromagnetic radaition as being associated with
photons which propagate like rays. We will be more specific about the restric-
tions under which the radiative transfer approach is valid at the end of the
chapter.

1.1 The Electromagnetic Spectrum

The electromagnetic spectrum covers a large range in energy, from < 10−6 eV
at radio wavelengths to > 106 eV at γ-ray wavelengths. The are a number of
equivalent ways to represent the same radiation: in terms of its wavelength λ (or
wavenumber k = 2π/λ), frequency ν (or angular frequency ω = 2πν), energy or
temperature. In a vacuum the product of the wavelength and frequency equal
the speed of light

λν = c (1.1)
ω

k
= c (1.2)

The energy of each photon of frequency ν is

E = hν = h̄ω, (1.3)

and its temperature can be defined by equating it to an energy using Boltz-
mann’s constant

E = kT. (1.4)
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Energy	  of	  photon	  of	  frequency	  ν	  	  

Temperature	  obtained	  by	  equa/ng	  it	  to	  
an	  energy	  using	  Boltzmann’s	  constant	  



Radia4on	  –	  specific	  intensity	  

Intensity	  of	  a	  source	  that	  radiates	  in	  any	  direc/on,	  different	  amounts	  of	  energy	  at	  different	  frequencies:	  	  

radii R1 and R2 centered on the source are equal.

dE1

dt
=

dE2

dt
(1.7)

⇒ 4πR2
1 F (R1) = 4πR2

2 F (R2). (1.8)

So for an isotropic source the flux follows an inverse square law

F (R) = F (R0)
R2

0

R2
=

constant

R2
. (1.9)

Figure 1.2: Some basic relations.

We can define a quantity that is intrinsic to the source and takes into ac-
count the possibility that the source does not emit isotropically or that it radi-
ates different amounts of energy at different frequencies. We call this specific

intensity or specific brightness, Iν , which is the amount energy crossing a
surface of unit area per unit time per solid angle per frequency. Again Iν points
in the direction of perpendicular to the collecting surface

Iν = Iν · n̂ J s−1 m−2 ster−1 Hz−1. (1.10)

The amount of energy crossing per a surface of dA over a time interval dt over
solid angles dΩ with observing bandwidth dν is

dE = Iν · dA dt dΩ dν. (1.11)

The specific flux, Fν , is the specific intensity integrated over solid angle

Fν = Iν dΩ. (1.12)

11

which	  is	  equivalent	  to	  the	  amount	  of	  energy	  crossing	  a	  surface	  area	  dA	  per	  unit	  /me	  dt	  per	  solid	  
angle	  dΩ	  per	  frequency	  dν.	  

If	  there	  is	  no	  absorp/on	  nor	  emission	  along	  the	  ray	  path	  ds,	  then	  the	  specific	  intensity	  is	  conserved:	  

This is the flux carried by photons through a solid angle dΩ for a range of
frequencies between ν and ν + dν over a surface whose normal points in the
direction n̂.

In general the specific intensity depends on the frequency and direction Iν =
I(ν, θ,φ). The specific intensity of a ray travelling (in a straight line) in a
vacuum is constant, and does not vary along the ray path:

dIν

ds
= 0. (1.13)

Consider the radiation from an isotropically emitting source. Each ray has
specific intensity Iν . Suppose the source is spherical with radius r, so that the
angle subtended by the source a distance R away is θc = sin−1 r/R.

Figure 1.3: What is the flux a distance R from the sphere?

Using (1.12), the flux received at a point P a distance R away from the
source is

Fν =

∫

Iν · n̂ dΩ =

∫

Iν cos θ dΩ

= Iν

∫

cos θ (sin θdθdφ)

= Iν

∫ 2π

0
dφ

∫ θc

0
dθ cos θ sin θ

= πIν

( r

R

)2
. (1.14)

So we recover the inverse square law for the decrease in specific flux with distance
from the source. But while the specific flux decreases with distance, the specific
intensity does not.

1.2.2 Net flux, momentum flux and radiation pressure

We can equate the energy associated with the photons to a momentum and
pressure. A familiar manifestation of this in the physical world is in the tails of
comets. Comets commonly have two tails, one of which points in the direction
of the solar wind (a stream of particles given off by the sun) and the other whose
tail points directly away from the sun. This latter tail is due to the radiation
pressure exerted by the sun’s radiation on the particles given off by the comet.

12

However,	  this	  is	  hardly	  the	  case	  in	  the	  ISM,	  thus	  we	  need	  to	  consider	  
propaga/on	  effects:	  absorp4on,	  emission	  (and	  sca`ering).	  



Radia4on	  –	  radia4ve	  transfer	  equa4on	  

The	  radia/ve	  transfer	  equa/on	  treats	  the	  absorp/on	  and	  emission	  of	  light	  in	  terms	  of	  changes	  in	  
the	  specific	  intensity:	  

1.3.3 The equation of radiative transfer

Combining the effects due to absorption and emission we have the equation of
radiative transfer

dIν

ds
= jν − ανIν . (1.32)

Note that in deriving this equation we are implictly assuming that the radiation
propagates like a bundle of rays. It thus neglects the wave nature of the elec-
tromagnetic radiation, and treats neither reflection, refraction nor diffraction.
There are many astrophysical situations where this treatment is inappropri-
ate, particularly at radio wavelengths. For instance, it cannot be used to treat
scintillation-related effects (such as the twinkling of starlight) and the ducting
of radio waves within dense environments like pulsar magnetospheres.

Solutions of the Transfer Equation

Let us explore the implications of the radiative transfer equation. In the absence
of absorption, the specific intensity a distance s along the ray-path is

Iν(s) = Iν(s0) +

∫ s

s0

jν(s′) ds′. (1.33)

Thus, the intensity increases linearly with distance.

s

Iν

Figure 1.6: Intensity as a function of distance for emission only.

In the absence of the emission the specific intensity is

Iν(s) = Iν(s0) exp

[

−
∫ s

s0

αν(s′) ds′
]

(1.34)

Note that, whereas the intensity increases linearly with distance for homoge-
neous emission, it decreases exponentially for homogeneous absorbing medium.

It is convenient to define the dimensionless optical depth, through an ab-
sorbing medium in terms of the absorption coefficient an the length of the ray
path:

τν(s) =

∫ s

s0

αν(s′) ds′, (1.35)
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Emission	  coefficient:	  energy	  emi`ed	  
by	  a	  medium	  per	  unit	  volume,	  
frequency,	  solid	  angle	  and	  /me	  along	  
a	  path	  ds:	  
	  
	  
Intensity	  added	  to	  a	  given	  beam	  of	  
radia/on	  by	  spontaneous	  emission.	  	  

Absorp2on	  coefficient:	  rate	  at	  which	  the	  
frac/on	  of	  total	  intensity	  decreases	  per	  unit	  
distance	  along	  the	  ray	  path:	  
	  
	  
A	  posi/ve	  α	  corresponds	  to	  s/mulated	  
emission	  (maser	  ac/on,	  which	  leads	  to	  an	  
increase	  in	  the	  specific	  intensity).	  
	  

Example: radiation pressure from an isotropic photon field

As an example, let’s calculate the radiation pressure due to an isotropic radiation
field, such as the relic 3K microwave background radation from the Big Bang.
Here we have Jν = Iν , and the radiation pressure (eq. (1.17)) is found by
integrating over the sphere from θ = [0,π] and φ = [0, 2π] and

pν =
1

c

∫

Iν cos2 θ dΩ =
1

c
Jν

∫ π

0
dθ

∫ 2π

0
dφ cos2 θ sin θdθdφ

=
4π

3
Jν =

1

3
uν (1.23)

Compare this with the relation for an ideal gas, where p = 2/3u. Why the
difference?

1.3 Radiative Transfer

So far we have only considered the properties of radiation emitted from a source
without any propagation effects. The most obvious propagation effects are ab-
sorption and emission and scattering. It is most useful to treat these pro-
cesses by considering changes in the specific intensity, Iν , whose value remains
otherwise constant along the ray path. Below we treat effects due to emission
and absorption, but defer a discussion of scattering until later.

1.3.1 Emission

We can define an emission coefficient, jν (units J s−1m−3ster−1Hz−1), as the
rate at which energy is emitted by a medium between frequencies ν and ν+ dν,
per unit volume per solid angle (Ω to Ω + dΩ) per time:

dEν = jν dV dΩ dt dν (1.24)

When a beam travels a distance ds through an emitting region it sweeps out a
volume dsdA, so the change in energy between frequencies ν and ν+dν is, after
relating the energy to the specific intensity (eq. (1.11))

dIν = jνds. (1.25)

The integral of jν over all angles yields the total power radiated by a medium
per unit volume per frequency. In the case of the isotropic emission, this total
power is Pν = 4πjν .

We can equivalently describe the emission in terms of an emissivity, ϵν
(units Wkg−1Hz−1), which is the power radiated per unit mass of material
between frequencies ν and ν + dν and integrated over all angles. For isotropic
emission one has

dEν = ϵν ρ dV dt dν
dΩ

4π
. (1.26)
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The emission coefficients and emissivity are thus related according to

jν =
ϵνρ

4π
. (1.27)

1.3.2 Absorption

Unlike emission, the amount of absorption occuring in a medium depends on the
intensity of the incident radiation. There obviously cannot be any absorption if
no energy is incident upon the absorbing medium. We define the absorption
coefficient, αν , (units m−1) as the rate at which the fraction of the total
intensity (i.e. dIν/Iν) decreases per unit distance along the ray path at a given
frequency:

dIν = −α Iν ds. (1.28)

Note the sign of the absorption coefficient: a positive value of αν implies that
the ray looses energy along the ray path. A negative absorption coefficient
corresponds to stimulated emission (i.e. maser action), and leads to an increase
in the specific intensity.

We can also define an absorption cross-section, σν (units m2) of a single
particle in the absorbing medium. For a particle density η (particles per unit
volume) in the absorbing medium the absorption cross section is related to the
absorption coefficient by

αν = ησν . (1.29)

The amount of energy absorbed by the medium from a beam of radiation with
specific intensity Iν is

∆E = −IναdAds dΩ dt dν (1.30)

= −Iνησν dV dΩ dt dν. (1.31)

Equivalently, we can describe the absorption in terms of an opacity, κν =
αnu/ρ (units m2kg−1), which describes the loss of intensity in terms of the mass
of absorbers encountered per unit length along the ray path.

Caveats

Several conditions must be satisfied in order for the foregoing physical descrip-
tions to be valid:

i The absorbing particles must be randomly spatially distributed (or, more
correctly, homogeneously distributed on sufficiently macroscopic scales).

ii The absorption of each particle must be independent of the absorption
of all other particles. (i.e. the absorbed energy scales linearly with the
number of particles)

iii There must be no “shadowing”, meaning that the absorption cross section
must be small compared to the interparticle distance: σ1/2 ≪ d ∼ η1/3.
This is related to point (ii).
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-‐	  If	  there	  is	  only	  emission,	  the	  intensity	  increases	  linearly	  with	  distance:	  
	  
	  
-‐	  If	  there	  is	  only	  absorp=on,	  the	  intensity	  decreases	  exponen/ally	  with	  distance:	  	  	  
	  
where	  the	  op4cal	  depth	  	  
through	  an	  absorbing	  medium	  is	  

1.3.3 The equation of radiative transfer

Combining the effects due to absorption and emission we have the equation of
radiative transfer

dIν

ds
= jν − ανIν . (1.32)

Note that in deriving this equation we are implictly assuming that the radiation
propagates like a bundle of rays. It thus neglects the wave nature of the elec-
tromagnetic radiation, and treats neither reflection, refraction nor diffraction.
There are many astrophysical situations where this treatment is inappropri-
ate, particularly at radio wavelengths. For instance, it cannot be used to treat
scintillation-related effects (such as the twinkling of starlight) and the ducting
of radio waves within dense environments like pulsar magnetospheres.

Solutions of the Transfer Equation

Let us explore the implications of the radiative transfer equation. In the absence
of absorption, the specific intensity a distance s along the ray-path is

Iν(s) = Iν(s0) +

∫ s

s0

jν(s′) ds′. (1.33)

Thus, the intensity increases linearly with distance.

s

Iν

Figure 1.6: Intensity as a function of distance for emission only.

In the absence of the emission the specific intensity is

Iν(s) = Iν(s0) exp

[

−
∫ s

s0

αν(s′) ds′
]

(1.34)

Note that, whereas the intensity increases linearly with distance for homoge-
neous emission, it decreases exponentially for homogeneous absorbing medium.

It is convenient to define the dimensionless optical depth, through an ab-
sorbing medium in terms of the absorption coefficient an the length of the ray
path:

τν(s) =

∫ s

s0

αν(s′) ds′, (1.35)
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so that the intensity in a purely absorptive medium is written

Iν(s) = Iν(s0)e
−τν(s). (1.36)

Thus the intensity decays by a factor of e−1 when the ray has moved a distance
corresponding to an optical depth of τ = 1. For a typical photon of frequency ν
propagating through an absorbing medium, most photons ‘escape’ the absorbing
medium when τ < 1, and the medium is called optically thin. However, when
τν > 1, most photons are absorbed, and medium is called opaque or optically

thick.

General Solution

We can construct a general solution to the equation of radiative transfer. To do
this, it is convenient to define a ‘source function’ Sν (units W m−2 ster−1Hz−1):

Sν(s) =
jν(s)

αν(s)
. (1.37)

When multiple processes contribute to the emission and absorption the source
function is

Stot
ν =

∑

jν

αν
. (1.38)

This is relevant, for example, when considering absorption on a spectral line, in
which there is both continuum and spectral line absorption. We can now write
the radiative transfer equation as

dIν

dτ
= Sν − Iν . (1.39)

This has a general solution (see exercise 2.)

Iν(τν) = Iν(0)e−τν +

∫ τν

0
e−(τν−τ ′

ν)Sν(τ ′ν) dτ ′. (1.40)
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General	  solu/on	  of	  the	  transfer	  equa/on:	  

Radia4on	  –	  radia4ve	  transfer	  equa4on	  

If	  we	  consider	  the	  varia/on	  in	  intensity	  through	  an	  homogeneous	  medium,	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  ,	  then:	  
As an example, let us consider the variation in intensity with path length
through a homogeneous medium (i.e. Sν = const) in which both absorption
and emission occur. Then the specific intensity is

Iν(τν) = Iν(0)e−τν + Sν

[

1 − e−τν
]

. (1.41)

Iff the medium is optically thin, this solution simplifies to

Iν(τν) ≈ Iν(0)[1 − τν ] + Sντν . thin (1.42)

On the other hand, in limit of an optically thick medium, τ → ∞, the solution
reduces to

Iν(τν) ≈ Sν . (1.43)

What is the average optical depth seen by an individual photon as it propa-
gates from τ = 0 to τ = ∞? To determine this, we integrate the optical depth τ
over the ray path, weighted by the number of photons remaining at that optical
depth, e−τ , and normalised by the total number of photons:

⟨τν⟩ =

∫∞
0 τν e−τν dτν
∫∞
0 e−τdτν

= 1. (1.44)

Thus the average photon travels through a medium a distance corresponding to
an optical depth of 1 before being absorbed. This distance is called the mean
free path, lν :

⟨τν⟩ = αν lν . (1.45)

In other words, the mean free path is the inverse of the absorption coefficient:
lν = α−1

ν = (ησν)−1.

1.4 Thermal radiation

Here we consider radiation from a body that is in local thermodynamic equi-
librium (LTE) with its surroundings. For matter in LTE all atomic, ionic and
molecular level populations are described entirely by the local temperature (and
are given by Saha-Boltzmann statistics: Ni/N ∝ exp(−Ei/kT )).

If we immerse a container in a bath of temperature T and wait for it to
reach equilibrium with its surroundings, and then drill a small hole through the
container to sample its radiation, what will we see? The specific intensity, Iν , of
this radiation will depend only on T , and not on the shape or size of the container
or any other property. If we connect two containers at temperature T the specific
intensity must be the same from each container (i.e. Iν1 = Iν2) otherwise this
would imply nett energy flow between two bodies of equal temperature, thus
violating the second law of thermodynamics. In the same way, the radiation
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In	  the	  op=cally	  thin	  regime:	   In	  the	  op=cally	  thick	  regime:	  
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Thermal	  radia/on	  is	  emi`ed	  by	  maVer	  in	  thermal	  equilibrium	  with	  its	  surroundings.	  	  
	  
In	  this	  case	  the	  specific	  intensity	  depends	  only	  on	  the	  local	  temperature	  of	  ma`er	  and	  the	  source	  
func/on	  is	  given	  by	  the	  Planck	  func/on	  
	  
	  
	  
	  
We	  can	  then	  re-‐write	  the	  radia/ve	  transfer	  equa/on	  for	  	  
thermal	  radia/on	  as	  follows:	  
	  
	  
	  
	  
	  
	  

Thermal	  vs	  non-‐thermal	  radia4on	  

Figure 1.8: Two containters at the same temperature, T , connected by a thin
pipe.

must also be emitted isotropically. Thus, because Iν depends only on T (and
ν) for blackbody radiation we write

Bν(T ) = Iν . (1.46)

Now let us now consider the two connected containers as one body and
consider their blackbody emission as a system. Because Iν = Bν is constant
everywhere (i.e. dIν/dτ = 0), the equation of radiative transfer now implies

dIν

dτ
= Sν(T ) − Bν(T ) = 0. (1.47)

Thus, for a blackbody the source function Sν = Bν(T ), implying Kirchoff ’s Law

jν = ανBν(T ), (1.48)

which is to say that a blackbody is both a good emitter and absorber, and that
the two are related.

At this stage it is appropriate to point out that Kirchoff’s law holds for
all thermal radiation, but that not all thermal radiation is blackbody radiation.
Thermal radiation only becomes blackbody radiation for optically thick media.
When this is not the case, then Iν ̸= Bν , and dIν/ds ̸= 0. However, since
Sν = Bν(T ) still holds, we still have jν = ανBν(T ), and the transfer radiation
for thermal radiation is

dIν

ds
= −Iν + Bν(T ). (1.49)

The right hand-hand side of this equation is zero only for blackbody radiation.
Can you see why it might not hold for optically thin media?

1.4.1 Thermodynamics of blackbody radiation

Recall that the change of heat dQ in medium is related to its change in internal
energy dU and the work done on the medium p dV according to the equation

dQ = dU + pdV. (1.50)
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[Exercise: convert these to SI units!] You should also be able to show from the
foregoing equations that the following relations hold for radiation

S =
4

3
aT 3V (1.62)

TV 1/3 = constant (1.63)

pV 4/3 = constant. (1.64)

and compare them to the corresponding relations with an ideal gas.

1.4.2 The Plank Spectrum

What is the exact shape of a blackbody spectrum? To derive this we need
to employ some elementary quantum mechanics and to know (i) the number
density of photon states for a given energy level and (ii) the average energy of
each state.

We consider the blackbody as a box of volume V filled with radiation of all
wavelengths, with associated wavevectors

k =
2π

λ
n̂. (1.65)

The photon number density for each element of d3k is thus

NS = 2
d3k

(2π)3
= 2

1

(2π)3
k2 dk dΩ = 2

1

(2π)3
ν2 dν

c3
dΩ, (1.66)

where the extra factor of 2 appears because a photon may have one of two
possible polarization states for each specific k. The density of states per unit
solid angle between ν and ν + dν is

ρS =
2ν2

c3
. (1.67)

The average energy of photons in each state is determined using the fact that
photons are indistinguishable from one another, and thus obey Bose-Einstein
statistics. Thus the occupation number of energy level En = nhν is proportional
to exp(−En/kT ). So the average energy of photons with frequency ν is just a
sum over all possible energy levels

⟨E⟩ =

∑∞
0 Ene−En/kT

∑∞
0 e−En/kT

=
hν

exp(hν/kT )− 1
. (1.68)

The energy density at frequency ν, uν , is a product of the number of photons
with energy ⟨E⟩ with their density, and since uνc = Bν , we have

Bν(T ) =
2hν3/c2

exp(hν/kT ) − 1
(1.69)

Bλ(T ) =
2hc2/λ5

exp(hc/λkT ) − 1
. (1.70)
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As an example, let us consider the variation in intensity with path length
through a homogeneous medium (i.e. Sν = const) in which both absorption
and emission occur. Then the specific intensity is

Iν(τν) = Iν(0)e−τν + Sν

[

1 − e−τν
]

. (1.41)

Iff the medium is optically thin, this solution simplifies to

Iν(τν) ≈ Iν(0)[1 − τν ] + Sντν . thin (1.42)

On the other hand, in limit of an optically thick medium, τ → ∞, the solution
reduces to

Iν(τν) ≈ Sν . (1.43)

What is the average optical depth seen by an individual photon as it propa-
gates from τ = 0 to τ = ∞? To determine this, we integrate the optical depth τ
over the ray path, weighted by the number of photons remaining at that optical
depth, e−τ , and normalised by the total number of photons:

⟨τν⟩ =

∫∞
0 τν e−τν dτν
∫∞
0 e−τdτν

= 1. (1.44)

Thus the average photon travels through a medium a distance corresponding to
an optical depth of 1 before being absorbed. This distance is called the mean
free path, lν :

⟨τν⟩ = αν lν . (1.45)

In other words, the mean free path is the inverse of the absorption coefficient:
lν = α−1

ν = (ησν)−1.

1.4 Thermal radiation

Here we consider radiation from a body that is in local thermodynamic equi-
librium (LTE) with its surroundings. For matter in LTE all atomic, ionic and
molecular level populations are described entirely by the local temperature (and
are given by Saha-Boltzmann statistics: Ni/N ∝ exp(−Ei/kT )).

If we immerse a container in a bath of temperature T and wait for it to
reach equilibrium with its surroundings, and then drill a small hole through the
container to sample its radiation, what will we see? The specific intensity, Iν , of
this radiation will depend only on T , and not on the shape or size of the container
or any other property. If we connect two containers at temperature T the specific
intensity must be the same from each container (i.e. Iν1 = Iν2) otherwise this
would imply nett energy flow between two bodies of equal temperature, thus
violating the second law of thermodynamics. In the same way, the radiation

19

Figure 1.8: Two containters at the same temperature, T , connected by a thin
pipe.

must also be emitted isotropically. Thus, because Iν depends only on T (and
ν) for blackbody radiation we write

Bν(T ) = Iν . (1.46)

Now let us now consider the two connected containers as one body and
consider their blackbody emission as a system. Because Iν = Bν is constant
everywhere (i.e. dIν/dτ = 0), the equation of radiative transfer now implies

dIν

dτ
= Sν(T ) − Bν(T ) = 0. (1.47)

Thus, for a blackbody the source function Sν = Bν(T ), implying Kirchoff ’s Law

jν = ανBν(T ), (1.48)

which is to say that a blackbody is both a good emitter and absorber, and that
the two are related.

At this stage it is appropriate to point out that Kirchoff’s law holds for
all thermal radiation, but that not all thermal radiation is blackbody radiation.
Thermal radiation only becomes blackbody radiation for optically thick media.
When this is not the case, then Iν ̸= Bν , and dIν/ds ̸= 0. However, since
Sν = Bν(T ) still holds, we still have jν = ανBν(T ), and the transfer radiation
for thermal radiation is

dIν

ds
= −Iν + Bν(T ). (1.49)

The right hand-hand side of this equation is zero only for blackbody radiation.
Can you see why it might not hold for optically thin media?

1.4.1 Thermodynamics of blackbody radiation

Recall that the change of heat dQ in medium is related to its change in internal
energy dU and the work done on the medium p dV according to the equation

dQ = dU + pdV. (1.50)
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Figure 1.7: Intensity as a function of distance for absorption only.

so that the intensity in a purely absorptive medium is written

Iν(s) = Iν(s0)e
−τν(s). (1.36)

Thus the intensity decays by a factor of e−1 when the ray has moved a distance
corresponding to an optical depth of τ = 1. For a typical photon of frequency ν
propagating through an absorbing medium, most photons ‘escape’ the absorbing
medium when τ < 1, and the medium is called optically thin. However, when
τν > 1, most photons are absorbed, and medium is called opaque or optically

thick.

General Solution

We can construct a general solution to the equation of radiative transfer. To do
this, it is convenient to define a ‘source function’ Sν (units W m−2 ster−1Hz−1):

Sν(s) =
jν(s)

αν(s)
. (1.37)

When multiple processes contribute to the emission and absorption the source
function is

Stot
ν =

∑

jν

αν
. (1.38)

This is relevant, for example, when considering absorption on a spectral line, in
which there is both continuum and spectral line absorption. We can now write
the radiative transfer equation as

dIν

dτ
= Sν − Iν . (1.39)

This has a general solution (see exercise 2.)

Iν(τν) = Iν(0)e−τν +

∫ τν

0
e−(τν−τ ′

ν)Sν(τ ′ν) dτ ′. (1.40)
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Figure 1.8: Two containters at the same temperature, T , connected by a thin
pipe.

must also be emitted isotropically. Thus, because Iν depends only on T (and
ν) for blackbody radiation we write

Bν(T ) = Iν . (1.46)

Now let us now consider the two connected containers as one body and
consider their blackbody emission as a system. Because Iν = Bν is constant
everywhere (i.e. dIν/dτ = 0), the equation of radiative transfer now implies

dIν

dτ
= Sν(T ) − Bν(T ) = 0. (1.47)

Thus, for a blackbody the source function Sν = Bν(T ), implying Kirchoff ’s Law

jν = ανBν(T ), (1.48)

which is to say that a blackbody is both a good emitter and absorber, and that
the two are related.

At this stage it is appropriate to point out that Kirchoff’s law holds for
all thermal radiation, but that not all thermal radiation is blackbody radiation.
Thermal radiation only becomes blackbody radiation for optically thick media.
When this is not the case, then Iν ̸= Bν , and dIν/ds ̸= 0. However, since
Sν = Bν(T ) still holds, we still have jν = ανBν(T ), and the transfer radiation
for thermal radiation is

dIν

ds
= −Iν + Bν(T ). (1.49)

The right hand-hand side of this equation is zero only for blackbody radiation.
Can you see why it might not hold for optically thin media?

1.4.1 Thermodynamics of blackbody radiation

Recall that the change of heat dQ in medium is related to its change in internal
energy dU and the work done on the medium p dV according to the equation

dQ = dU + pdV. (1.50)
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In	  the	  op/cally	  thick	  limit,	  as	  we	  saw	  
before,	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  .	  This	  means	  that	  the	  
specific	  intensity	  is	  equal	  to	  the	  Planck	  func/on	  
and	  we	  have	  blackbody	  radia4on	  à	  radia/on	  
which	  is	  itself	  in	  thermal	  equilibrium.	  



Thermal	  vs	  non-‐thermal	  radia4on	  

The	  most	  perfect	  blackbody	  radia4on	  ever	  
observed	  is	  the	  CMB,	  with	  a	  temperature	  
of	  about	  2.7K	  (CMB	  was	  emi`ed	  when	  
ma`er	  and	  radia/on	  were	  in	  equilibrium).	  

Blackbody	  emission	  hardly	  applies	  in	  the	  ISM;	  although	  stars	  and	  planets	  are	  not	  in	  LTE	  nor	  are	  they	  
perfect	  blackbodies,	  blackbody	  radia/on	  is	  s/ll	  used	  as	  a	  first	  approxima/on	  to	  the	  radia/on	  that	  
they	  emit.	  
What	  we	  do	  observe	  in	  the	  ISM	  is	  greybody	  (or	  modified	  blackbody)	  emission	  from	  the	  largest	  dust	  
par/cles	  –	  Part	  7	  of	  this	  course.	  
	  
The	  radia/on	  emi`ed	  by	  the	  non-‐thermal	  plasma	  in	  the	  ISM	  is	  therefore	  non-‐thermal.	  

Only	  in	  local	  thermal	  equilibrium	  (LTE)	  and	  in	  the	  op=cally	  thick	  limit	  can	  we	  describe	  the	  radia/on	  
as	  blackbody.	  

Credits:	  NASA	  



Polariza4on	  of	  light	  

L. Montier UTL - 18 Juin 2015

La lumière... Onde Polarisée

II  La lumière polarisée

Champs Electrique et Magnétique 
se propagent dans une direction en 

tournant autour de cet axe

Lumière 
non Polarisée

Lumière 
non Polarisée

Lumière 
Polarisée

Champs Electrique et Magnétique 
se propagent dans une direction 

avec une orientation fixe !

L. Montier UTL - 18 Juin 2015

La lumière... Onde Polarisée

II  La lumière polarisée

Champs Electrique et Magnétique 
se propagent dans une direction en 

tournant autour de cet axe

Lumière 
non Polarisée

Lumière 
non Polarisée

Lumière 
Polarisée

Champs Electrique et Magnétique 
se propagent dans une direction 

avec une orientation fixe !

Unpolarized	  light	   Polarized	  light	  Unpolarized	  light	  

The	  electric	  and	  magne/c	  fields	  
propagate	  along	  a	  given	  direc/on,	  
rota/ng	  around	  it.	  

The	  electric	  and	  magne/c	  fields	  
propagate	  along	  a	  given	  direc/on,	  

but	  with	  a	  fixed	  orienta/on.	  

Unpolarized	  radia/on	  can	  become	  polarized	  (e.g.	  sca`ering	  of	  starlight	  by	  dust	  grains)	  or	  it	  can	  be	  
polarized	  right	  from	  its	  source	  (e.g.	  synchrotron	  emission	  	  -‐	  Part	  3,	  dust	  emission	  –	  Part	  7).	  



A bit of light polarization...hands-on!

Polarization gives the orientation of oscillation of the electric field of a beam of light

Rotating the polarizer

Unpolarized light 
reflected in the screen

Polariza4on	  of	  light	  -‐	  example	  

Credits:	  A.	  Bracco,	  CEA	  



Polarization gives the orientation of oscillation of the electric field of a beam of light

Rotating the polarizer

Unpolarized light 
reflected in the screen

A bit of light polarization...hands-on!
Polariza4on	  of	  light	  -‐	  example	  

Credits:	  A.	  Bracco,	  CEA	  



Polarization gives the orientation of oscillation of the electric field of a beam of light

Rotating the polarizer

Unpolarized light 
reflected in the screen

A bit of light polarization...hands-on!
Polariza4on	  of	  light	  -‐	  example	  

Credits:	  A.	  Bracco,	  CEA	  



Polarization gives the orientation of oscillation of the electric field of a beam of light

Rotating the polarizer

Unpolarized light 
reflected in the screen

A bit of light polarization...hands-on!
Polariza4on	  of	  light	  -‐	  example	  

Credits:	  A.	  Bracco,	  CEA	  



Polariza4on	  of	  light	  

The	  electric	  field	  of	  a	  monochroma/c	  wave	  travelling	  along	  the	  z	  direc/on	  can	  be	  wri`en	  in	  
terms	  of	  its	  amplitude	  E,	  phase	  φ,	  and	  frequency	  ω	  (from	  Maxwell’s	  Eqs.	  à	  propaga/on	  
equa/on	  for	  the	  electric	  field):	  
	  
	  
	  
The	  complex	  amplitudes	  E1	  and	  E2	  are:	  
	  
	  
	  
	  
And	  the	  real	  part	  of	  the	  electric	  field	  is	  given	  by:	  
	  
	  
	  
	  
In	  the	  general	  case,	  the	  E	  field	  traces	  an	  ellipse.	  The	  	  
equa/ons	  can	  be	  re-‐wri`en	  as:	  
	  
	  
	  

E
→

= (e
→

x E1 + eyE2
→

)e−iωt

E1 = ε1e
iφ1

E2 = ε2e
iφ2

Ex = ε1 cos(ωt −φ1)
Ey = ε2 cos(ωt −φ2 )

Ex ' = ε0 cosβ cosωt
Ey ' = −ε0 sinβ sinωt

The	  last	  equa/ons	  describe	  the	  /p	  of	  
the	  electric	  field	  vector	  in	  the	  x’	  –	  y’	  
plane;	  β	  is	  the	  angle	  between	  the	  
electric	  vector	  and	  the	  long	  axis	  of	  an	  
ellipse	  that	  is	  /lted	  by	  an	  angle	  χ	  
rela/ve	  to	  the	  x	  axis.	  
	  



Polariza4on	  of	  light	  –	  Stokes	  parameters	  

The	  Stokes	  parameters	  I,	  Q,	  U,	  and	  V	  	  -‐	  which	  describe	  the	  E	  vector	  in	  terms	  of	  the	  ellipse	  parameters	  
ε,	  β,	  and	  χ	  -‐	  of	  a	  monochroma/c	  wave,	  are	  defined	  as	  follows:	  

A bit of light polarization

Polarization gives the orientation of oscillation of the electric field of a beam of light

CircularLinearElliptical

Stokes parameters for linear polarization

I is the total intensity
P is the polarized intensity

 E-field orientation

Q = P cos 2 

U = P sin 2 

Circular	  
β	  =	  ±	  π/4	  
Q=U=0	  	  

Linear	  
β	  =	  ±	  π/2	  ,	  0	  
V	  =	  0	  	  

Ellip4cal	  

z	  	  

y	  

x	  

Total	  intensity	  of	  the	  wave	  

Circular	  parameter	  –	  measures	  the	  product	  of	  the	  ellipse’s	  principal	  axes	  

Measure	  the	  orienta/on	  of	  the	  ellipse	  rela/ve	  to	  the	  x	  axis	  

I = ε1
2 +ε2

2 = ε0
2

Q = ε1
2 −ε2

2 = ε0
2 cos2β cos2χ

U = 2ε1ε2 cos(φ1 −φ2 ) = ε0
2 cos2β sin2χ

V = 2ε1ε2 sin(φ1 −φ2 ) = ε0
2 sin2β

I = ε0
2

V = I sin2β
U /Q = tan2χ



Polariza4on	  of	  light	  –	  Stokes	  parameters	  

which	  means	  that	  the	  wave	  is	  completely	  polarized.	  
	  
What	  we	  generally	  observe	  is	  a	  superposi/on	  of	  many	  components,	  each	  of	  which	  with	  different	  
polariza/on	  (quasi-‐monochroma/c	  wave).	  In	  this	  case,	  the	  parameters	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  are	  /me	  
dependent	  and	  the	  general	  equa/ons	  for	  the	  Stokes	  parameters	  are	  the	  following:	  
	  

P = Q2 +U 2 +V 2 < I

I 2 =Q2 +U 2 +V 2

The	  Stokes	  parameters	  of	  a	  monochroma=c	  wave	  are	  related	  as	  follows:	  

ε1,ε2,φ1,φ2

I = ε1
2 +ε2

2

Q = ε1
2 −ε2

2

U = 2ε1ε2 cos(φ1 −φ2 )

V = 2ε1ε2 sin(φ1 −φ2 )

In	  prac/ce	  these	  equa/ons	  imply	  that	  the	  electric	  vector	  traces	  out	  an	  ellipse	  of	  fixed	  shape	  and	  
fixed	  orienta/on,	  and	  only	  its	  overall	  size	  changes	  slowly	  with	  /me.	  
	  
For	  a	  quasi-‐monochroma=c	  wave,	  the	  polariza/on	  intensity:	  



Q = Pcos2χ
U = Psin2χ

P = Q2 +U 2

p = P / I

For	  the	  remainder	  of	  the	  lecture,	  we	  are	  interested	  in	  linearly	  polarized	  radia=on	  only.	  
	  
To	  measure	  linear	  polariza/on,	  we	  need	  detectors	  that	  pick	  out	  different	  (orthogonal)	  
orienta/ons	  of	  the	  electric	  field.	  We	  detect	  the	  maximum	  of	  I	  when	  the	  filter	  is	  aligned	  with	  the	  
plane	  of	  polariza/on	  (x’	  axis),	  and	  the	  minimum	  along	  the	  direc/on	  perpendicular	  to	  it.	  
	  
	  

Polariza4on	  of	  light	  –	  Stokes	  parameters	  –	  in	  prac4ce	  

The sub-mm polarized sky observed by Planck

Planck HFI has at least two pairs of polarization sensitive bolometers rotated by 
45˚ to scan the sky 

Planck/HFI  focal planePlanck maps the sky

Combining multiple observations we can measure the Stokes parameters for 
linear polarization I, Q and U.

In	  the	  focal	  plane	  of	  Planck,	  there	  are	  
two	  pairs	  of	  polariza/on	  sensi/ve	  
bolometers,	  rotated	  by	  45°.	  (The	  more	  
pairs/angles	  we	  have,	  the	  be`er).	  
	  
The	  combina/on	  of	  mul/ple	  
observa/ons	  allows	  us	  to	  determine	  the	  
Stokes	  parameters,	  which	  we	  then	  use	  
to	  study	  the	  proper/es	  of	  the	  radia/on.	  
	  

Rosset	  et	  al.(2010)	  



3.	  (Cyclo-‐)	  Synchrotron	  emission	  



Par/cles	  that	  are	  accelerated	  by	  a	  magne/c	  field	  radiate:	  
	  
•  Non	  rela/vis/c	  par/cles	  emit	  cyclotron	  radia4on:	  the	  frequency	  of	  the	  emission	  is	  

simply	  given	  by	  the	  frequency	  of	  gyra/on	  in	  the	  magne/c	  field	  
	  
•  Rela/vis/c	  par/cles	  can	  move	  at	  many	  /mes	  the	  gyra/on	  frequency;	  they	  emit	  

synchrotron	  radia4on	  à	  of	  interest	  for	  many	  astrophysical	  objects.	  

	  
	  
In	  the	  following:	  
-‐  Emission	  by	  rela/vis/c	  par/cles	  
-‐  Synchrotron	  radia/on	  
-‐  Why	  is	  synchrotron	  emission	  polarized?	  

In	  this	  sec4on	  



Emission	  by	  rela4vis4c	  par4cles	  

A	  rela/vis/c	  par/cle	  will	  be	  observed	  in	  the	  observer’s	  frame	  (K)	  as	  moving	  with	  velocity	  v,	  whereas	  
the	  par/cle	  is	  at	  rest	  in	  its	  rest	  frame	  (K’).	  
	  
-‐  In	  K’	  all	  the	  photons	  will	  be	  emi`ed	  isotropically.	  
-‐  In	  K	  the	  photons	  are	  emi`ed	  within	  a	  cone	  directed	  along	  v,	  which	  has	  an	  angle	  of	  the	  order	  γ-‐1	  	  

Important	  quan//es	  in	  rela/vity:	  
	  
-‐	  Velocity 	   	   	  	  

	   	  	  
-‐	  Lorentz	  factor	  (factor	  by	  which	  /me,	  length	  and	  
rela/vis/c	  mass	  change	  for	  a	  moving	  object)

	  	  
	  
-‐	  Energy	  
-‐	  Momentum	  	  

γ = 1− v
2

c2
"

#
$

%

&
'

−1/2

β = v / c

E = (γ −1)m0c
2

Beaming	  effect	  

Larmor’s	  formula	  (emission	  from	  
a	  single	  accelerated	  charge	  q):	  

P = 2q
2

3c3
a2

p = γm0v



Synchrotron	  radia4on	  –	  par4cle	  mo4on	  

The	  Lorentz	  force	  –	  force	  exerted	  by	  an	  electric	  field	  E	  and	  magne/c	  field	  B	  on	  a	  par/cle	  of	  charge	  q	  
moving	  at	  velocity	  v	  -‐	  is	  given	  by:	  
	  
	  
	  
and	  the	  rate	  of	  work	  done	  by	  the	  fields	  on	  the	  par/cle	  is	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  .	  
	  
For	  a	  rela/vis/c	  par/cle	  under	  the	  influence	  of	  a	  magne/c	  field	  B	  (E=0),	  this	  translates	  into	  
	  

	   	   	   	   	   	   	   	   	   	   	   	  	  	  .	  
	  
The	  above	  equa/ons	  imply	  that	  |v|=cnst	  and	  if	  we	  separate	  v	  into	  parallel	  and	  perpendicular	  
components	  to	  the	  B	  field:	  

	   	   	   	   	   	   	  	  and	  

F
→

= q E
→

+
v
→

c
×B

→
#

$

%
%

&

'

(
(

v
→

.F
→

= q v
→

.E
→

d
dt
(γmv

→

) = q
c
v
→

×B
→ d

dt
(γmc2 ) = q v

→

.E
→

= 0

dv||
dt

= 0 dv⊥
dt

=
q

γmc
v⊥ ×B

→

-‐	  Both	  components	  of	  v	  are	  constant	  
-‐	  Uniform	  circular	  mo/on	  on	  the	  plane	  normal	  to	  B	  (since	  the	  accelera/on	  
in	  this	  plane	  is	  normal	  to	  the	  velocity	  and	  of	  constant	  magnitude)	  
-‐	  Uniform	  mo/on	  along	  the	  B	  field	  
	  
à  The	  par/cle	  moves	  in	  a	  helical	  trajectory,	  with	  a	  gyra/on	  frequency	  of	  	  

ωB =
qB
γmc

α	  is	  the	  pitch	  angle	  between	  B	  and	  v.	  



Synchrotron	  radia4on	  –	  total	  emiVed	  power/spectrum	  

To	  calculate	  the	  total	  emiVed	  radia4on,	  we	  use	  Larmor’s	  formula	  –	  power	  radiated	  by	  a	  moving	  
par/cle:	  

	   	   	   	   	   	   	   	  with	  
	  
	  
from	  which	  we	  obtain	  	  

P = 2q
2

3c3
γ 4a⊥

2

This	  means	  that	  the	  synchrotron	  spectrum	  will	  be	  fairly	  broad,	  cu}ng	  
off	  at	  frequencies	  1/Δt.	  We	  define	  the	  cri/cal	  frequency:	  

P = 4
9

q4

m2c4
cβ 2γ 2B2

ωc =
3
4π

γ 3ωB sinα

0	  

�t ⇡ 1/(⌫B,r�
3)

⌫c =
3

2
�2⌫B sin↵

Cyclo-synchrotron radiation ●●●●●●○○○○○○○○○

✓ Strong beaming: δθ=1/γ

✓ Pulsed modulation of the electric field 
at νB:

✓ Spectrum = continuum up to

Emission Spectrum

ob
ser

ve
r

Ultra-relativistic particles:

19

γ γ2γ γ2a⊥ =ωBv⊥

The	  spectrum	  of	  synchrotron	  radia4on	  is	  related	  to	  the	  detailed	  varia/on	  of	  the	  electric	  field	  as	  
seen	  by	  an	  observer.	  Because	  of	  the	  beaming	  effect,	  the	  radia/on	  appears	  to	  be	  concentrated	  in	  a	  
narrow	  set	  of	  direc/ons,	  around	  the	  par/cle’s	  velocity.	  	  
The	  observer	  will	  see	  a	  pulse	  of	  radia/on	  confined	  to	  a	  /me	  interval	  much	  smaller	  than	  the	  gyra/on	  
period	  (by	  a	  factor	  γ3	  –	  correc/ons	  from	  the	  rest	  to	  the	  observer’s	  frame):	  

Δt ≈ (γ 3ωB sinα)
−1



Spectrum	  of	  synchrotron	  radia4on	  

What	  we	  observe	  is	  the	  radia/on	  produced	  by	  an	  ensemble	  of	  rela=vis=c	  electrons,	  which	  has	  a	  
given	  distribu/on	  of	  energies.	  The	  par/cle	  distribu/on	  law	  is	  usually	  approximated	  by	  a	  power	  
law	  of	  the	  form:	  

	   	   	   	   	   	   	   	   	  thus,	  with	  a	  spectral	  index	  a.	  
	  
	  
The	  resul/ng	  total	  power	  per	  unit	  volume	  per	  unit	  frequency	  is	  then:	  
	  
	  
Meaning	  that	  we	  can	  approximate	  the	  frequency	  spectrum	  by	  a	  power	  law:	  

N(E)dE =CE−adE

Ps ∝ν
−s, s = a−1

2

log(P)

log(ν )

s

In	  prac4ce:	  
The	  power	  law	  slope	  of	  rela/vis/c	  electrons	  in	  the	  energy	  range	  relevant	  to	  the	  produc/on	  of	  
synchrotron	  emission	  is	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  ,	  which	  implies	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  ,	  in	  agreement	  with	  the	  observa/ons.	  	  a ≈ 2.4 s ≈ 0.7

The	  radia/on	  spectrum	  	  -‐	  the	  power	  emi`ed	  as	  a	  func/on	  of	  frequency	  -‐	  is	  obtained	  from	  the	  
Fourier	  transform	  of	  the	  electric	  field.	  It	  corresponds	  to	  	  
	  

	   	   	   	   	  	  	  for	  a	  single	  electron,	  where	  F	  is	  a	  modified	  Bessel	  func/on.	  
	   	   	   	   	   	   	   	   	  	  
	   	   	   	   	   	   	   	   	   	  	  

P(ω) = 3
2π

q2Bsinα
mc2

F ω
ωc

!

"
#

$

%
&

Ptot (ν ) = (cnsts)B
a+1
2 ν

− a−1
2



The	  synchrotron	  sky	  

The	  sky	  at	  408	  MHz,	  observed	  by	  four	  different	  telescopes	  (Jodrell	  Bank	  MkI,	  Bonn	  100m,	  Parkes	  64m,	  and	  Jodrell	  Bank	  
MkIA,	  Haslam	  et	  al.	  1982).	  

	  
Synchrotron	  is	  the	  dominant	  emission	  of	  radio	  sources	  (frequencies	  100s	  MHz	  –	  1	  GHz).	  

There	  is	  strong	  emission	  in	  the	  Galac/c	  plane	  and	  also	  towards	  isolated	  objects:	  supernova	  remnants.	  

Cygnus	  Loop	  
Vela	  

North	  polar	  spur	  

Crab	  



A	  synchrotron	  object	  –	  the	  Crab	  nebula	  	  Cyclo-synchrotron radiation ●●●●●●●●●●○○○○○

The Crab Nebula

✓Pulsar wind nebula
✓ Outflow of high energy electrons
✓Magnetized medium (0.1 mG)

✓Synchrotron emission from radio 
to γ-rays

✓Broken power-law distribution
✓ Two slopes: s1, s2

✓ Two breaks: γ1, γ2
23

γ1

γ2

s1

s2

Planck	  Collabora/on	  Int.	  XXXI	  (2014)	  	  	  

The	  Crab	  is	  a	  pulsar	  wind	  nebula	  –	  the	  nebula	  is	  powered	  by	  the	  winds	  of	  the	  central	  pulsar,	  
well	  seen	  in	  the	  X-‐ray	  image.	  
	  
The	  shallow	  radio-‐microwave	  spectral	  index	  (compared	  to	  the	  average	  0.7	  across	  the	  sky)	  
tells	  us	  that	  there	  are	  energe/c	  electrons,	  with	  a	  power	  law	  index	  	  	  	  	  	  	  	  	  	  	  	  	  	  ,	  which	  are	  
constantly	  being	  injected	  from	  the	  pulsar	  into	  the	  nebula.	  	  

s ≈ 0.3

a ≈1.6



Polariza4on	  of	  synchrotron	  radia4on	  

As	  we	  saw	  before,	  synchrotron	  radia/on	  is	  emi`ed	  within	  a	  well-‐defined	  beam	  	  
à	  radia/on	  is	  emi`ed	  with	  a	  preferred	  orienta/on	  à	  polariza/on.	  

The	  radia/on	  from	  a	  single	  electron	  is	  ellip/cally	  polarized.	  	  
	  
When	  the	  emission	  cones	  of	  a	  distribu/on	  of	  electrons	  are	  
averaged,	  the	  ellip/cal	  components	  cancel	  out	  	  
à	  par=al	  linear	  polariza=on.	  

Since	  the	  power	  spectrum	  of	  synchrotron	  emission	  is	  well	  defined,	  we	  can	  es/mate	  the	  degree	  of	  
polariza/on	  by	  comparing	  the	  power	  in	  each	  component:	  
	  

	   	  	  	  	  	  which	  can	  be	  wri`en	  as	  	  
	  
	  
	  
For	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  the	  intrinsic	  polariza/on	  degree	  
of	  synchrotron	  radia/on	  is	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  .	  
	  

p = P⊥ −P||
P⊥ +P||

p = a+1
a+ 7 / 3

p = 72%
a = 2.4



Planck Collaboration: Planck di↵use low-frequency Galactic foregrounds

Fig. 22. Polarization percentage of the debiased weighted polar-
ization intensity map against the Commander synchrotron total
intensity fit evaluated at 22.8 GHz. Uncertainties in the compo-
nent separation discussed in the text, and also uncertainty in the
absolute zero level, make this highly uncertain, except in regions
of strong synchrotron emission, such as the North Polar spur and
the inner Galactic halo (see also discussion in Vidal et al. 2014a).

consisting of the three lowest WMAP bands; one consisting of
the two lowest Planck bands; and one using both WMAP and
Planck. The Planck variance estimates include the uncertainty
in the bandpass leakage correction. This results in a large frac-
tional error in Q and U along the plane, so WMAP data dom-
inate the on-plane emission in the combined map. At high lati-
tudes, the somewhat higher sensitivity of Planck down-weights
the impact of the large-scale WMAP polarization artefacts, but
we note in our discussion when these may still have an impact
on our results. The improvement in S/N ratio is significant, with:
a median (mean) S/N ratio of the WMAP weighted map of 2.70
(4.19); the Planck weighted map of 2.68 (3.81); and the com-
bination of both of 3.37 (5.39), where the bigger improvement
comes from the combination of both WMAP and Planck. This
corresponds to a roughly 25 % improvement in S/N ratio com-
pared to using the combined WMAP or Planck maps separately.
Commander also provides a polarized intensity synchrotron

map, which is calculated using only Planck data. As this map is
the best-fit solution to a model using noisy data, it is noisier than
our combined Planck-only map (our map treats the small CMB
component as noise). Moreover, the addition of WMAP K-band
data in our map further reduces the noise in the final combined
map. At 1� resolution, the Commander map has a median noise
value over the entire sky of �Q ⇡ �U = 4.5 µK, while our com-
bined map has �Q ⇡ �U = 2.6 µK.

Polarized intensity maps have been debiased using the
asymptotic estimator (Montier et al. 2015; Vidal et al. 2014b),
which generalizes the estimator first proposed by Wardle &
Kronberg (1974) to the case of anisotropic errors in (Q,U).
Figure 20 shows the resulting polarization combination maps.
A number of new polarized structures visible in the combined
map that were unclear in the individual maps are highlighted.
These are discussed in the sections that follow.

5.2. Overview of polarized synchrotron emission

Synchrotron total intensity is distributed comparatively uni-
formly over the sky. In the 408 MHz map, assuming an instru-

mental plus extragalactic background of 8.9 K (Wehus et al.
2014), half the total Galactic flux is contributed by 18 % of the
sky.9 The equivalent figure for the dust-dominated Planck 545-
GHz map is 4.6 %. In the synchrotron intensity map, although
the Galactic plane and the North Polar spur are visually promi-
nent, they are superposed on broad di↵use emission that domi-
nates the total flux.

This di↵use emission seems to be much weaker in polar-
ization. Away from the narrow Galactic plane, i.e., at |b| & 3�,
the polarized cm-wavelength emission is dominated by the syn-
chrotron loops and spurs familiar from low-frequency radio sur-
veys. In fact, Vidal et al. (2014a) demonstrate a close correspon-
dence between the polarized intensity at WMAP K-band and an
unsharp-masked version of the 408 MHz map, in which structure
on scales & 10� is filtered out (see Fig. 21 top row a and b).

In particular, there is hardly any trace in the Planck and
WMAP polarized maps of the synchrotron halo of the inner
Galaxy, which fills roughly |l| . 60� and 5� <⇠ |b| <⇠ 15�
(Planck Collaboration Int. XXIII 2014) and contributes 20–30 %
of the Galactic synchrotron flux in low-frequency maps (com-
pare panels a and c in Fig. 21). The e↵ect is even clearer in
fractional polarization, which is very low (. 10 %) in the in-
ner halo region (see Fig. 22). The component separation anal-
ysis of Sect. 4 implies that the halo is still present in the un-
polarized cm-wavelength maps, because the data are well-fitted
with our synchrotron model, which has a constant shape, so that
the synchrotron distribution is no di↵erent at 20 or 30 GHz from
408 MHz. Although, as we have seen, this separation is subject
to substantial uncertainties, it is corroborated by spectral analy-
sis of ground-based surveys (Reich & Reich 1988; Platania et al.
2003) that find that the halo and spurs have similar spectral in-
dices near 1 GHz.

The magnetic field in the Galactic disc follows the plane, as
expected from the shearing e↵ect of di↵erential rotation, and one
would expect the same to apply in the inner halo. Its polarization
would then be roughly orthogonal to that in the spurs rising out
of the plane, which all have fields roughly parallel to their axes
(Vidal et al. 2014a). Therefore, the net polarization of halo and
spurs will cancel to some extent. But the fact that the spurs are
prominent in polarization, even when they are only perturbations
on the inner halo in total intensity (see Fig 23), implies that the
halo must be very weakly polarized; even between the spurs,
there is hardly any sign of a field parallel to the plane in the in-
ner halo region (a trace may be visible near (l, b) = (34�, 8�); see
the discussion of the l = 45� feature in Sect. 5.4). This is a sur-
prising contrast to the narrow plane at |b| . 3�, where the overall
parallel orientation of the field is very clear in Fig. 20, despite
the fact that a significant fraction of its emission is due to in-
dividual SNRs (Planck Collaboration Int. XXIII 2014), whose
overall polarization orientation is nearly random. The conven-
tional analogy between the Galactic halo and the Solar corona
suggests that the halo field should relax to a nearly force-free
configuration with little small-scale structure, constrained pri-
marily by the foot points where the field lines are tied to dense
gas clouds in the plane. This would lead us to expect a reason-
ably high fractional polarization; di↵erential rotation of the foot-
points should, as with the disc field, shear the field so that it is
largely parallel to the plane as viewed from Earth. Evidently the

9 The di↵use emission may be even brighter, since the background
assumed may include an isotropic component of Galactic emission.
Using the Lawson et al. (1987) extragalactic background estimate of
5.9 K, half the sky flux comes from 21 % of the sky.
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The	  synchrotron	  polarized	  sky	  

The	  polarized	  sky,	  frac/on	  of	  polariza/on	  p,	  at	  23	  GHz	  (Planck	  Collabora/on	  XXV	  2015).	  
	  

It	  doesn’t	  really	  look	  like	  the	  synchrotron	  sky	  in	  total	  intensity!	  
And	  p	  is	  hardly	  close	  to	  the	  intrinsic	  polariza/on	  frac/on	  of	  72%...	  Why?	  



What	  can	  we	  infer	  from	  the	  polarized	  emission?	  

Recall	  that	  the	  Stokes	  parameters	  –	  which	  are	  observed	  quan44es	  –	  allow	  us	  to	  obtain:	  

Q = I cos2χ
U = I sin2χ

P = Q2 +U 2

p = P / I

The	  frac/on	  of	  polariza/on	  –	  as	  shown	  in	  the	  previous	  map	  –	  
as	  well	  as	  the	  polariza/on	  angle	  χ.	  
	  
The	  polariza/on	  angle	  is	  perpendicular	  to	  the	  magne/c	  field	  
orienta/on	  (for	  the	  reasons	  discussed	  before;	  the	  electron	  
emits	  radia/on	  perpendicular	  to	  the	  magne/c	  field).	  

We	  can	  infer	  the	  orienta/on	  of	  the	  magne/c	  
field	  from	  polarized	  synchrotron	  radia/on,	  by	  

rota/on	  the	  polariza/on	  angle	  by	  90°.	  



The	  magne4c	  field	  of	  the	  M51	  galaxy	  	  
Looking at external galaxies...

Fletcher+11

On galactic scales the structure of 
the field appears correlated with 
the large-scale patterns of galaxies 
(synchrotron polarization)

M51

Limited by resolution at the 
cloud scale!

Fletcher	  et	  al.	  2011	  



The	  magne4c	  field	  of	  the	  Milky	  Way	  

L. Montier UTL - 18 Juin 2015

III  Le ciel polarisé dans notre Galaxie
La polarisation du rayonnement synchrotron

Planck collaboration 2015Radio



4.	  Thomson/Compton	  scaVering	  



Thomson	  scaVering	  

Thomson	  sca`ering	  arises	  when	  a	  charged	  par/cle	  radiates	  in	  response	  to	  an	  incident	  
electromagne/c	  wave	  à	  it	  is	  accelerated	  by	  the	  electric	  field	  of	  the	  incident	  radia4on.	  
	  
It	  applies	  in	  the	  non-‐rela/vis/c	  regime	  (v	  <<	  c	  à	  Compton	  scaVering)	  and	  when	  the	  wavelength	  
of	  the	  incident	  radia/on	  is	  much	  smaller	  than	  the	  size	  of	  the	  par/cle	  (	  à	  Rayleigh	  scaVering).	  
	  
The	  electron	  and	  the	  photon	  do	  not	  exchange	  energy,	  but	  there	  is	  a	  change	  in	  the	  direc/on	  of	  
the	  radia/on,	  when	  the	  par/cle	  re-‐radiates	  the	  electromagne/c	  energy	  of	  the	  photon.	  

Emission of relativistic particles ●○○
○

Emission from non-relativistic particles

✓Electro-magnetic field created by charges in motion:

✓ Charged particles in uniform motion do not emit light

✓ Only charged, accelerated particles can emit light

✓ Liénard-Wiechert potentials (1898): (A,Φ) => E-B

✓ Power:

✓ Spectrum: 

✓Emission of low-energy particles:

✓ Total power:

✓ Dipolar field perpendicular to acceleration:

✓ Polarization depends on the direction:

✓ Is also the emission in the particle rest frame...

@Pe

@⌦
=
q2 a

2

4⇡c
sin

2 ✓

Pe =
2q

2 a2

3c

9~E / ~n⇥ (~n⇥ ~a)

P / ~E
2

P⌫
/
���FFT

(~E)
���
2

a

θ

Oscilla/ng	  incident	  
E	  field	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  

Electron	  mo/on	  
à  The	  electron	  will	  move	  in	  the	  plane	  of	  the	  

oscilla/ng	  electric	  field	  –	  perpendicular	  to	  the	  
direc/on	  of	  the	  incident	  wave.	  	  

à  The	  electron	  will	  emit	  dipole	  radia/on:	  there	  is	  
no	  radia/on	  in	  the	  direc/on	  of	  its	  mo/on;	  on	  the	  
other	  hand,	  the	  electron	  radiates	  most	  strongly	  
in	  the	  perpendicular	  direc/on.	  

à  The	  radia/on	  will	  be	  polarized	  along	  the	  direc/on	  
of	  its	  mo/on.	  

No	  polar.	  

	  
100%	  polar.	  



Thomson	  scaVering	  cross	  sec4on	  

The	  differen=al	  cross	  sec=on	  for	  Thomson	  sca`ering	  relates	  the	  flux	  from	  the	  incident	  wave	  
<S>	  with	  the	  power	  sca`ered	  by	  solid	  angle	  dP/dΩ:	  	  	  

dP
dΩ

= S dσ
dΩ

dσ
dΩ

=
e4

m2c4
sin 2Θ = r0

2 sin 2Θ

where	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  is	  called	  the	  “classical	  electron	  radius”.	  	  r0 ≡
e2

mc2

The	  total	  cross	  sec/on	  is	  obtained	  by	  integra/ng	  over	  the	  solid	  angle:	  
	  
	  
Note:	  It	  does	  not	  depend	  on	  frequency,	  thus	  sca`ering	  is	  equally	  efficient	  at	  all	  
frequencies	  –	  frequencies	  at	  which	  this	  approxima/on	  applies.	  	  

σ =
8π
3
r0
2
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all ‘hot spots’ 

Thomson	  scaVering	  -‐	  example	  

The	  cosmic	  microwave	  background	  is	  polarized	  due	  to	  Thomson	  scaVering:	  electrons	  that	  
fall	  in	  a	  gravita/onal/density	  poten/al	  at	  the	  /me	  of	  recombina/on,	  sca`er	  the	  radia/on	  
from	  photons	  emi`ed	  by	  neighbouring	  electrons.	  

Planck	  Collabora/on	  2015	  	  	  



Compton	  scaVering	  

Compton	  sca`ering	  is	  the	  inelas/c	  sca`ering	  of	  a	  photon	  by	  an	  electron.	  
(Inelas/c:	  because	  in	  this	  regime	  the	  electron	  recoil	  cannot	  be	  neglected.)	  
	  
Also,	  the	  scaVering	  cross	  sec4on	  is	  reduced	  since	  the	  energy	  of	  the	  incident	  photon	  
becomes	  comparable	  to,	  or	  exceeds,	  the	  electron	  rest	  mass	  energy.	  

The	  energy	  ε	  of	  the	  sca`ered	  radia/on	  is	  given	  by	  (conserva/on	  of	  four-‐momentum):	  
	  

	   	   	   	   	   	   	  or	  	  
	  
where	  f	  and	  i	  correspond	  to	  the	  final	  and	  incident	  radia/on,	  and	  θ	  is	  the	  angle	  between	  the	  
incident	  and	  sca`ered	  wave	  vectors,	  and	  	  
	  

	   	   	   	   	   	  is	  the	  Compton	  wavelength	  (for	  electrons).	  
	  
	  
Since	  0	  <	  θ	  <	  π,	  the	  wavelength	  of	  the	  sca`ered	  radia/on	  is	  always	  larger	  than	  that	  of	  the	  
incident	  radia/on	  à	  loss	  of	  energy	  by	  the	  photon.	  

• Thomson scattering assumes elastic collisions. Under certain circum-
stances the electron recoil cannot be neglected.

• The scattering cross section is reduced as the energy of the incident pho-
ton, hν, becomes comparable to or exceeds the electron rest mass energy,
mc2.

We now consider each of these effects in detail.
Conservation of four-momentum requires that the scattering obey

Pei + Pγi = Pef
+ Pγf

. (8.11)

Assume the electron is initially at rest and taking the directions of the incident
and scattered radiation to be ni and nf respectively, we have

Pei = (mc, 0, 0, 0),

Pef
= (E/c, px, py, pz),

Pγi = εi(1,ni)/c,

Pγf
= εf(1,nf )/c. (8.12)

Solving these equations according to (8.11) yields the energy of the scattered
radiation

εf =
εi

1 + εi

mc2 (1 − cos θ)
, (8.13)

where θ is the angle between the wavevectors of the incident and scattered
wavefronts. There is a critical energy or, equivalently, wavelength at which the
inelasticity of the scattering becomes important. This is seen more clearly by
rewriting (8.13) as

λf − λi = λc(1 − cos θ), (8.14)

where

λc =
h

mc
= 0.024 Å for electrons, (8.15)

is the Compton wavelength. The scattering is nearly elastic for wavlengths
longer than the Compton wavelength. Equation (8.14) shows that the Compton
scattering always results in a loss of energy to the radiation. Since 0 < θ < π, the
wavelength of the scattered radiation is always larger than that of the incident
radiation.

Quantum effects also affect the cross section of the scattering process. The
scattering cross section is reduced if the energy of the outgoing photon, ε1 is
comparable to the energy of the incident photon, ε. The differential cross section
is then given by the Klein-Nishina formula

dσ

dΩ
=

r2
0

2

ε1
ε

(

ε

ε1
+
ε1
ε

− sin2 θ

)

. (8.16)
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Inverse	  Compton	  scaVering	  

In	  this	  case,	  the	  opposite	  happens:	  the	  photon	  gains	  energy	  by	  
sca`ering	  off	  a	  rela/vis/c	  electron	  –	  the	  electron	  has	  
sufficient	  kine/c	  energy	  compared	  to	  the	  photon.	  

In the non-relativistic and ultra-relativistic regimes the effective cross section is
approximated by

σ = σT

{
(

1 − 2x + 26x2

5 + · · ·
)

for x ≪ 1,
3
8 x−1

(

ln 2x + 1
2

)

for x ≫ 1
, (8.17)

where x = hν/mc2. The Klein-Nishina formula thus reduces to the Thomson
cross section in the classical limit, but it is much smaller than this in the ultra-
relativistic regime.

In the foregoing section we considered scattering of radiation off an electron
initially at rest. However, in general, the electron will possess some kinetic
energy and if this is high enough, it may impart of some of its energy to the
radiation. This is the subject of the following section.

8.2 Inverse Compton Scattering

Inverse Compton scattering refers to the scattering of radiation by relativistic
particles, as depicted in Figure 8.2. In this process it is possible for photons to
gain energy by scattering off electrons.

Figure 8.2: Inverse Compton scattering of low energy photons off energetic
electrons upscatters the photons to high frequencies.

The scattering is considered by transforming from the laboratory frame, K,
where the particle is moving with Lorentz factor γ, to the rest frame of the
electron, K0. In the observer’s frame K the incident radiation makes an angle
θi to the direction of the moving electron, and the scattered radiation makes
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K0 - particle rest frame

e-

z0

x0 K - laboratory frame

z

x

e-

θi
θf

θi'
θf'

εi

εf'

εi'

εf

Figure 8.3: The angles and energies of the incoming and outgoing photons in
the rest frame of the particle and in the laboratory frame.

an angle θf . In the electron rest frame these angles are θ′i and θ′f respectively
(see Figure 8.3). The azimuthal angles of the incident and scattered radiation
in the rest frame are denoted φ′i and φ′f respectively. Lorentz transformation of
the electron energy shows that the apparent energy of the radiation in the rest
frame is

ε′i = εiγ(1 − β cos θi), (8.18)

and the energy of the scattered radiation transformed back into the observer’s
frame is

εf = ε′fγ(1 + β cos θ′f ). (8.19)

Equation (8.13) provides the relationship between energies in the rest frame of
the particle, which, expanded for small ε′i < mc2, becomes

ε′f = ε′i

(

1 −
ϵ′i

mc2
(1 − cosΘ)

)

, (8.20)

cosΘ = cos θ′f cos θ′i + sin θ′f sin θ′i cos(φ′f − φ′i). (8.21)

Equations (8.18) and (8.19) imply that the ratios of the incident energy in
the observer’s frame, in the rest frame before scattering, and in the observer’s
frame after scattering are roughly

1 : γ : γ2. (8.22)

Thus a particle can increase its energy by a factor γ2 in a single encounter.
Furthermore, since the encounter in the electron rest frame depends only on
one power of γ, the scattering can occur in the Thomson regime, where the
scattering cross section is large compared to the Klein-Nishina regime applicable
at higher energies.
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θi	  and	  θf	  are	  the	  angles	  between	  the	  
incident	  and	  sca`ered	  radia/on	  rela/ve	  to	  
the	  direc/on	  of	  the	  moving	  electron	  –	  ’	  
corresponds	  to	  the	  rest	  frame.	  

(Lorentz	  transforma/ons):	  the	  ra/os	  of	  the	  incident	  energy	  in	  the	  observer’s	  frame,	  in	  the	  rest	  frame	  
before	  sca`ering,	  and	  in	  the	  observer’s	  frame	  a�er	  sca`ering	  are	  approximately	  	  
	  
	  
thus	  this	  process	  converts	  a	  low-‐energy	  photon	  to	  a	  high-‐energy	  photon	  by	  a	  factor	  of	  the	  order	  γ2.	  

1:γ :γ 2



Inverse	  Compton	  scaVering	  –	  cooling	  4me	  

As	  a	  rela/vis/c	  electron	  travels	  through	  a	  medium	  containing	  low-‐energy	  photons,	  it	  will	  
lose	  energy	  with	  each	  Compton	  sca`ering	  –	  as	  it	  loses	  energy	  via	  the	  emission	  of	  
synchrotron	  radia/on.	  	  
	  
	  
The	  ra/o	  between	  the	  power	  radiated	  by	  an	  electron	  in	  the	  form	  of	  synchrotron	  radia/on	  
and	  via	  Inverse	  Compton	  sca`ering	  is:	  
	  
	  
	  
	  
where	  UB	  and	  Uph	  are	  the	  energy	  density	  of	  the	  magne/c	  field	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  and	  of	  the	  
photons,	  respec/vely.	  
(Note:	  the	  above	  equa/on	  is	  valid	  for	  any	  value	  of	  the	  electron’s	  velocity,	  but	  only	  when	  
the	  Thomson	  sca`ering	  limit	  is	  valid	  in	  the	  rest	  frame	  of	  the	  electron.)	  
	  
	  
The	  cooling	  4me	  is	  propor/onal	  to	  the	  inverse	  of	  the	  photon	  energy:	  
	  
	  
	  

Psynch
Pcompt

=
UB

Uph

UB = B
2 / 8π

tcompt ≈Ue / dP / dV( )∝1/Uph



Inverse	  Compton	  scaVering	  -‐	  examples	  

γ	  –	  ray	  produc4on:	  γ	  –	  rays	  are	  produced	  by	  Inverse	  
Compton	  sca`ering	  off	  high	  energy	  electrons	  in	  
energe/c	  objects	  e.g.	  pulsars,	  ac/ve	  galac/c	  nuclei	  
(AGN),	  supernova	  remnants.	  The	  electrons	  are	  
accelerated	  by	  these	  objects	  and	  the	  photons	  can	  be	  
provided	  by,	  e.g.,	  synchrotron	  radia/on.	  

Cen	  A	  

Sunyaev-‐Zel’dovich	  (SZ)	  effect:	  CMB	  photons	  gain	  energy	  as	  they	  
sca`er	  from	  free	  electrons	  in	  the	  intracluster	  gas	  of	  galaxy	  clusters.	  	  
à	  The	  spectrum	  of	  the	  CMB	  is	  shi�ed	  towards	  higher	  frequencies.	  
	  
Since	  the	  SZ	  effect	  is	  related	  to	  the	  energy	  (temperature)	  of	  the	  gas,	  
this	  effect	  is	  used	  to	  determine	  the	  proper/es	  of	  the	  cluster.	  

Cen	  A	  

Credits:	  NED/IPAC	  

Credits:	  NASA	  



5.	  Bremsstrahlung	  (free-‐free)	  emission	  



Free-‐free	  emission	  

Radia/on	  due	  to	  the	  accelera/on	  of	  a	  charge	  in	  the	  Coulomb	  field	  of	  another	  charge	  is	  called	  
bremsstrahlung	  	  -‐	  which	  means	  braking	  radia/on	  in	  German	  -‐	  or	  free-‐free	  emission	  -‐	  since	  the	  
par/cles	  are	  unbound	  before	  and	  a�er	  the	  interac/on.	  

An	  electron	  loses	  energy	  via	  free-‐free	  
radia/on	  by	  passing	  close	  to	  	  an	  ion.	  

For	  free-‐free	  emission	  to	  occur	  the	  medium	  
must	  be	  rela/vely	  dense,	  so	  that	  electrons	  have	  
a	  higher	  probability	  of	  encountering	  a	  charged	  
par/cle;	  the	  medium	  must	  also	  be	  ionized,	  so	  
that	  electrons	  are	  free	  from	  protons,	  rather	  
than	  bound	  to	  an	  hydrogen	  atom.	  

Free-‐free	  emission	  originates	  in	  regions	  where	  
massive	  (O/B	  type)	  stars	  are	  forming,	  since	  these	  are	  
the	  only	  stars	  capable	  of	  ionizing	  hydrogen	  atoms.	  	  	  



Free-‐free	  emission	  sky	  

Planck Collaboration: Di↵use component separation: Foreground maps

A�

Fig. 9. Maximum posterior (top) and posterior rms (bottom) free-free emission measure maps derived from the joint baseline analysis
of Planck, WMAP, and 408 MHz observations.
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(Planck	  Collabora/on	  XXV	  2015)	  
	  

All	  of	  the	  bright	  regions	  are	  ionized	  (HII)	  regions,	  where	  massive	  stars	  are	  forming.	  	  	  

Carina	  

Zeta-‐Ophiucus	  

Orion	  



Free-‐free	  emission	  –	  single	  velocity	  electrons	  

A	  full	  understanding	  of	  the	  free-‐free	  emission	  process	  requires	  a	  quantum	  treatment.	  However,	  
the	  classical	  approach,	  with	  a	  correc/on	  for	  the	  quantum	  effects,	  properly	  describes	  most	  of	  the	  
physical	  parameters.	  	  

The	  electron	  is	  assumed	  to	  move	  past	  an	  ion	  of	  charge	  Ze	  
rapidly	  enough	  so	  that	  the	  devia/on	  from	  a	  straight	  line	  is	  
negligible.	  	  
	  
The	  two	  par/cles	  interact	  over	  a	  /me	  interval,	  called	  the	  
collision	  =me,	  of	  the	  order	  of	  τ=b/v,	  where	  b	  and	  v	  are	  the	  
impact	  parameter	  and	  velocity	  of	  the	  electron,	  
respec/vely.	  

The	  power	  radiated	  in	  a	  single	  collision,	  from	  
a	  single	  velocity	  electron	  in	  a	  medium	  of	  ion	  
density	  ni	  and	  electron	  density	  ne,	  is:	  
(from	  the	  Larmor’s	  formula,	  which	  gives	  the	  
power	  emi`ed	  by	  a	  moving	  electron)	  

jν =
16πe6

3 3c3m2v
neniZ

2gff (v,ω)

Gaunt	  factor:	  correc/on	  for	  quantum	  
effects;	  certain	  func/on	  of	  the	  energy	  of	  
the	  electron	  and	  frequency	  of	  emission.	  



Free-‐free	  emission	  from	  many	  electrons	  	  

In	  prac/ce,	  the	  par/cles	  –	  electrons	  –	  in	  the	  ionized	  gas	  follow	  a	  velocity	  distribu/on	  very	  close	  to	  
a	  Maxwellian	  distribu/on,	  which	  is	  determined	  by	  the	  electron	  temperature	  T.	  This	  means	  that	  
the	  ionized	  gas	  is	  in	  thermal	  equilibrium.	  	  
	  
Integra/ng	  the	  power	  radiated	  by	  an	  electron	  over	  all	  veloci/es	  gives:	  
	  

	   	   	   	   	   	   	   	   	   	   	   	   	  	  	  	  in	  erg	  s-‐1	  cm-‐3	  Hz-‐1	  sr-‐1	  jν
ff = 5.4×10−41neniZ

2T4
−1/2e−hν /kT g

_

ff (ν,T )

Velocity	  averaged	  Gaunt	  factor:	  
	  Quantum	  effects	  are	  important	  at	  very	  low	  frequencies,	  close	  to	  the	  plasma	  frequency	  
	   	   	   	   	  	  	  	  ,	  otherwise	  at	  radio	  frequencies	  –	  of	  interest	  here	  –	  we	  just	  have	  a	  
	  two	  body	  Coulomb	  sca`ering	  problem.	  	  	  	  	  	  	  	  	  

	  
	  The	  Gaunt	  factor	  from	  quantum	  mechanical	  calcula/ons	  can	  be	  approximated	  by:	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  

ν p = 8.98(ne / cm
−3)1/2

gff ≈ 6.155(Zν )
−0.118T4

0.177



jν
ff ∝T4

−0.32ν −0.12

αν
ff =

jv
ff

Bv
∝ν −3neniZ

2T −1/2 (1− e−hν /kT )g
_

ff

The	  previous	  equa/ons	  imply	  that	  the	  free-‐free	  emissivity	  is	  then:	  
	  
	  
	  
	  
therefore	  the	  free-‐free	  spectrum	  is	  almost	  flat,	  decreasing	  very	  slowly	  with	  frequency.	  
	  
Having	  the	  gas	  in	  thermal	  equilibrium,	  we	  can	  es/mate	  the	  free-‐free	  absorp/on	  coefficient	  	  
through	  Kirchhoff’s	  law:	  
	  
	  
	  
From	  this	  we	  can	  derive	  the	  free-‐free	  op/cal	  depth,	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  ,	  which	  in	  the	  radio	  
limit	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  corresponds	  to:	  
	  
	  
where	  the	  Emission	  Measure	  is	  defined	  as	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  .	  	  	  

1.3.3 The equation of radiative transfer

Combining the effects due to absorption and emission we have the equation of
radiative transfer

dIν

ds
= jν − ανIν . (1.32)

Note that in deriving this equation we are implictly assuming that the radiation
propagates like a bundle of rays. It thus neglects the wave nature of the elec-
tromagnetic radiation, and treats neither reflection, refraction nor diffraction.
There are many astrophysical situations where this treatment is inappropri-
ate, particularly at radio wavelengths. For instance, it cannot be used to treat
scintillation-related effects (such as the twinkling of starlight) and the ducting
of radio waves within dense environments like pulsar magnetospheres.

Solutions of the Transfer Equation

Let us explore the implications of the radiative transfer equation. In the absence
of absorption, the specific intensity a distance s along the ray-path is

Iν(s) = Iν(s0) +

∫ s

s0

jν(s′) ds′. (1.33)

Thus, the intensity increases linearly with distance.

s

Iν

Figure 1.6: Intensity as a function of distance for emission only.

In the absence of the emission the specific intensity is

Iν(s) = Iν(s0) exp

[

−
∫ s

s0

αν(s′) ds′
]

(1.34)

Note that, whereas the intensity increases linearly with distance for homoge-
neous emission, it decreases exponentially for homogeneous absorbing medium.

It is convenient to define the dimensionless optical depth, through an ab-
sorbing medium in terms of the absorption coefficient an the length of the ray
path:

τν(s) =

∫ s

s0

αν(s′) ds′, (1.35)
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hν << kT
τν ∝T4

−1.32ν −2.2EM

EM = nine ds∫

Free-‐free	  emission	  –	  spectrum	  



Free-‐free	  emission	  –	  spectrum	  

τν ∝T4
−1.32ν −2.2EM

The	  op/cal	  depth	  equa/on	  tells	  us	  that,	  at	  
low	  frequencies,	  free-‐free	  emission	  is	  
op/cally	  thick	  (τ>>1).	  
	  
In	  this	  regime	  the	  free-‐free	  spectrum	  behaves	  
like	  a	  blackbody	  with	  a	  temperature	  equal	  to	  
that	  of	  the	  electrons:	  	  	  	  	  	  	  	  	  	  	  	  	  	  .	  
	  
	  
à	  By	  measuring	  the	  spectrum	  of	  an	  HII	  
region,	  we	  can	  directly	  infer	  its	  physical	  
proper4es	  (temperature,	  density,	  size,	  etc.).	  

T = Te

-‐	  0.2	  

Credits:	  NRAO	  



Rela4vis4c	  Bremsstrahlung	  radia4on	  

Un/l	  now	  we	  have	  discussed	  the	  interac/on	  between	  electrons	  and	  ions	  in	  a	  thermal	  gas	  of	  
temperature	  around	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  –	  typical	  temperature	  of	  HII	  regions,	  which	  give	  rise	  to	  
radio	  photons.	  
	  
Rela=vis=c	  bremsstrahlung	  occurs	  when	  a	  rela/vis/c	  electron	  is	  deflected	  in	  the	  electrosta/c	  
poten/al	  of	  an	  atom,	  ion,	  or	  molecule,	  giving	  rise	  to	  X-‐ray	  	  and	  γ-‐ray	  photons	  of	  energy	  	  

Eγ ≈ Eele / 2 = γmc
2 / 2

T = Te ≈10000K

maps centered at l = 270°
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PRELIMINARY
The	  sky	  as	  seen	  by	  the	  Fermi	  γ-‐ray	  space	  telescope	  (Fermi	  diffuse	  model,	  I.Grenier	  2013	  ESLAB).	  

(Map	  centred	  at	  l=270°)	  
	  



6.	  Anomalous	  microwave	  emission	  



Anomalous	  ??	  microwave	  emission	  
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G160.26-18.62 (Perseus molecular cloud) 

Emission	  spectrum	  of	  the	  Perseus	  
molecular	  cloud	  (Planck	  Early	  
results	  XX	  2012)	  
	  
Radio	  to	  far	  infrared	  spectrum:	  
free-‐free	  and	  synchrotron	  
emission	  dominate	  at	  the	  lowest	  
frequencies;	  emission	  from	  dust	  
grains	  dominates	  at	  the	  highest	  
frequencies	  (Part	  7).	  
	  Free-‐free	  

Dust	  

In	  the	  late	  90s	  an	  unexpected	  “bump”	  was	  detected	  in	  the	  microwave	  spectrum	  of	  the	  Galaxy.	  
Unexpected	  because	  in	  this	  range	  of	  frequencies	  we	  only	  expect	  free-‐free	  and	  synchrotron	  
emission!	  
	  
(And	  this	  is	  the	  reason	  for	  name	  “anomalous	  microwave	  emission”	  or	  AME.)	  



AME	  –	  where/what?	  

AME	  was	  first	  detect	  in	  1996	  by	  Kogut	  et	  al.	  at	  high	  Galac/c	  la/tudes,	  in	  the	  so-‐called	  diffuse	  
medium.	  
	  
Soon	  a�er,	  a	  few	  individual	  objects	  –	  molecular	  clouds,	  infra-‐red	  dark	  clouds,	  HII	  regions	  	  -‐	  were	  
studied	  and	  the	  idea	  that	  spinning	  dust	  emission	  was	  behind	  AME	  arose	  (in	  1998	  by	  Draine	  &	  
Lazarian;	  the	  microwave	  emission	  by	  spinning	  dust	  grains	  had	  been	  first	  predicted	  by	  W.C.	  
Erickson	  in	  1957).	  
	  
à  This	  hypothesis	  was	  mostly	  mo/vated	  by	  the	  fact	  that	  the	  microwave	  emission	  was	  

correlated	  with	  the	  far-‐infrared/sub-‐mm	  emission	  –	  which	  traces	  emission	  from	  interstellar	  
dust	  grains.	  

	  
	  
	  
	  
	  
	  
	  
Before	  Planck	  there	  were	  only	  a	  few	  convincing	  examples	  of	  AME	  –	  spinning	  dust	  emission.	  With	  
the	  much	  higher	  sta/s/cs	  on	  individual	  objects	  and	  a	  significant	  detec/on	  of	  AME	  in	  the	  diffuse	  
medium,	  it	  is	  now	  well	  established	  that	  small	  spinning	  dust	  grains	  are	  responsible	  for	  the	  AME.	  
	  

A&A 565, A103 (2014)

Fig. 7. Maps of example sources with significant (σAME > 5) excess emission. Each row is a gnomic map in Galactic coordinates, 5◦ on a side,
and centred on each source, labelled in the 0.408 GHz map. The maps from left to right are 0.408, 1.42, 22.7, 28.4, 44.1, and 143 GHz. The
WMAP/Planck maps have been CMB-subtracted. The colour-scale is linear, and ranges from the minimum to maximum value within each map.
The aperture is shown as a solid line; the background annulus as dashed lines. The strong AME at frequencies around 30 GHz is evident.
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A&A 565, A103 (2014)

Fig. 7. Maps of example sources with significant (σAME > 5) excess emission. Each row is a gnomic map in Galactic coordinates, 5◦ on a side,
and centred on each source, labelled in the 0.408 GHz map. The maps from left to right are 0.408, 1.42, 22.7, 28.4, 44.1, and 143 GHz. The
WMAP/Planck maps have been CMB-subtracted. The colour-scale is linear, and ranges from the minimum to maximum value within each map.
The aperture is shown as a solid line; the background annulus as dashed lines. The strong AME at frequencies around 30 GHz is evident.
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Example:	  
G5.4+36.5;	  Planck	  
Coll.	  XV	  2014	  

Microwave	   Sub-‐mm	  



AME	  sky	  

(Planck	  Collabora/on	  XXV	  2015)	  
	  

There	  is	  AME	  everywhere	  in	  the	  sky	  –	  from	  individual	  regions	  at	  high	  la/tude,	  to	  diffuse	  
emission,	  to	  a	  bright	  band	  of	  emission	  in	  the	  Galac/c	  plane.	  

Planck Collaboration: Planck di↵use low-frequency Galactic foregrounds

Fig. 10. All-sky map of AME from Commander at 22.8 GHz plotted using a Mollweide projection, with a 30� graticule and an asinh
colour scheme. Seven regions of di↵use AME have been highlighted, and are discussed in the text.

Fig. 11. Mask used for the AME T–T plots. The regions in grey
are masked in the T–T plots. The region in light blue shows
where the AME at 22.8 GHz is brighter than 1 mK; this is also
masked when determining the best-fitting emissivity. Note that
we also mask the ecliptic plane (|�| < 20�) when analysing the
IRAS and WISE data.

CMB, synchrotron, and free-free emission is the dominant un-
certainty for the Commander solution. At high latitude, where the
AME is weak, the Commander solution is dominated by instru-
mental noise. The Commander AME map also contains residual
extragalactic source contributions when their spectrum is inter-
mediate between the assumed synchrotron and free-free models

(e.g., Centaurus A is clearly visible, as are bright radio sources
such as 3C 273); to remove these we mask sources in the PCCS2
catalogue at 28.4 GHz that are brighter than 1 Jy.

We evaluate the peak frequency of the combined AME
spectrum for each pixel. The mean and median across the
whole sky are 20.6 and 20.4 GHz, respectively, and at |b| > 10�
they are 20.5 and 20.2 GHz, respectively. Apart from bright
regions, the peak frequency map is very noisy, largely con-
strained by our prior on ⌫p1 around 19 GHz (see section 4.1
and figure 16 of Planck Collaboration X 2015) and contains
residual signal from point sources. Regions such as Perseus,
⇢ Oph and Orion have higher than average peak frequen-
cies, around 25–30 GHz, in agreement with previous analy-
ses (e.g., Planck Collaboration XX 2011). In some places the
fits are dominated by the second AME component (no-
tably the Sh 2-27 and southern Gum nebulae). This is con-
sistent with the ILC analysis of Sect. 3, although in re-
ality some of these regions have even higher peak fre-
quency, e.g., Planck Collaboration Int. XV (2014) found a best-
fitting value of ⌫p of 50 GHz for the California Nebula, and
Sh 2-27 has an exceptionally high �2 in the Commander fit
(Planck Collaboration X 2015, figure 22), which we found can
be alleviated by allowing a similar peak frequency (recall
that in our baseline Commander model ⌫p2 is fitted glob-
ally to keep the number of free parameters acceptable). We
find that in bright free-free regions (primarily on the plane,
but also bright high-latitude regions such as M 42 and the
California nebula) the AME peak frequency correlates with the
free-free amplitude (at 22.8 GHz) with a best-fitting slope of
(0.066 ± 0.012) GHz mK�1, which may be an indication of the
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Perseus	  

Pegasus	  
R	  CrA	  

Rho	  Oph	  

Chamaeleon	  

Orion	  

Lambda	  
Orionis	  



AME	  -‐	  dust	  par4cles	  

Dust	  grains	  in	  the	  interstellar	  medium	  have	  different	  sizes,	  composi/ons,	  proper/es,	  etc.	  
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L. Montier UTL - 18 Juin 2015

III  Le ciel polarisé dans notre Galaxie
Les grains de poussière

Grosses 
molécules Gros Grains

Coeur de carbone / silicate
+ Manteau de glace

Petits Grains

Agrégats de grosses 
molécules carbonées

Cycles
Carbone-Hydrogène

L. Montier UTL - 18 Juin 2015

III  Le ciel polarisé dans notre Galaxie
Les grains de poussière

Grosses 
molécules Gros Grains

Coeur de carbone / silicate
+ Manteau de glace

Petits Grains

Agrégats de grosses 
molécules carbonées

Cycles
Carbone-Hydrogène

Large	  molecules:	  polycyclic	  aroma/c	  
hydrocarbons	  (PAHs);	  size	  ~	  0.6	  nm	  

Small	  grains:	  aggregates	  of	  
large	  molecules;	  size	  ~	  5	  nm	  

Big	  grains:	  carbon/silicate	  cores	  and	  
ice	  mantles;	  size	  ~	  10	  nm	  
	  
à	  Next	  sec/on	  (Part	  7)	  

Responsible	  
for	  the	  AME	  	  



Planck Collaboration: A study of AME in Galactic clouds

Fig. 8. SEDs for the sources with very significant AME and f UCH II
max < 0.25. Data points are shown as circles with errors and are colour-coded

for radio data (light blue), WMAP (red), Planck (blue), and DIRBE/ IRAS (black). The best-fitting model of free-free (dotted line), thermal dust
(short-dashed line), CMB (triple-dot dashed line), and spinning dust (dot-dashed line) is shown. Data included in the fit are shown as filled circles,
while the other data are unfilled. The residual spectrum, after subtraction of free-free, synchrotron, CMB, and thermal dust components, is shown
in the insert. The best-fitting spinning dust model is also shown.

CMB alone (∆TCMB > 150 µK). As discussed in Sect. 3.6, some
regions exhibit a flattening of the thermal dust spectral index at
frequencies in the range 100−353 GHz (Planck Collaboration,
in prep.) that can be artificially accounted for by a stronger
positive CMB fluctuation. This then results in a positive bias
at frequencies <100 GHz, which increases the AME amplitude.
Some of the sources with high CMB temperatures also have
high f UCH II

max ; these are shown as star symbols in Fig. 9. We do not
believe this is a major effect on our most significant AME sam-
ple (i.e., σAME > 5 and f UCH II

max < 0.25), since none of the AME
sources has an anomalously high CMB temperature. Although
the CMB has a stronger effect on the semi-significant AME re-
gions, the uncertainties associated with it are larger than for the
rest of the sample, as can be seen in Fig. 9.

To test robustness, the entire analysis was repeated with-
out fitting for a CMB component (∆TCMB = 0 µK); the results
do not change substantially. We do find an additional source in
G102.88−00.69 with a significance of σAME = 6.9, but this is
clearly due to a negative CMB fluctuation (∆TCMB = −60 ±
17 µK). For the largest fitted CMB temperature of ∆TCMB =
603 ± 180 µK in G030.77−00.03, we find an AME amplitude
of (194 ± 22) × 1020 cm−2 (8.5σ). Without a CMB component
(∆TCMB = 0), the AME amplitude is (154 ± 20) × 1020 cm−2

(7.6σ). In this case the CMB does not appear to be causing a
large bias, although there is a ≈1−2σ bias in a few sources. This
justifies our high cut-off threshold of 5σ. We also verify that the
general trends presented in our analysis still hold when not tak-
ing into account the CMB.

Fig. 9. Correlation plot between the AME amplitude, Asp, and the fit-
ted CMB fluctuation temperature. Symbols are as in Fig. 6. For most
sources, the fitted CMB temperatures are within the expected range
shown as dashed lines (|∆TCMB| < 150 µK) and are not strongly cor-
related with the AME flux density. However, for some sources, there
is a strong positive correlation with CMB temperatures that are higher
than expected, but associated with larger uncertainties.

In summary, we are confident in the robustness of our AME
detections, particularly those atσAME > 5. We have been conser-
vative with the uncertainties in the photometry, and in most cases
our SEDs do not change appreciably when changing the details
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Planck Collaboration: A study of AME in Galactic clouds

Fig. 8. SEDs for the sources with very significant AME and f UCH II
max < 0.25. Data points are shown as circles with errors and are colour-coded

for radio data (light blue), WMAP (red), Planck (blue), and DIRBE/ IRAS (black). The best-fitting model of free-free (dotted line), thermal dust
(short-dashed line), CMB (triple-dot dashed line), and spinning dust (dot-dashed line) is shown. Data included in the fit are shown as filled circles,
while the other data are unfilled. The residual spectrum, after subtraction of free-free, synchrotron, CMB, and thermal dust components, is shown
in the insert. The best-fitting spinning dust model is also shown.

CMB alone (∆TCMB > 150 µK). As discussed in Sect. 3.6, some
regions exhibit a flattening of the thermal dust spectral index at
frequencies in the range 100−353 GHz (Planck Collaboration,
in prep.) that can be artificially accounted for by a stronger
positive CMB fluctuation. This then results in a positive bias
at frequencies <100 GHz, which increases the AME amplitude.
Some of the sources with high CMB temperatures also have
high f UCH II

max ; these are shown as star symbols in Fig. 9. We do not
believe this is a major effect on our most significant AME sam-
ple (i.e., σAME > 5 and f UCH II

max < 0.25), since none of the AME
sources has an anomalously high CMB temperature. Although
the CMB has a stronger effect on the semi-significant AME re-
gions, the uncertainties associated with it are larger than for the
rest of the sample, as can be seen in Fig. 9.

To test robustness, the entire analysis was repeated with-
out fitting for a CMB component (∆TCMB = 0 µK); the results
do not change substantially. We do find an additional source in
G102.88−00.69 with a significance of σAME = 6.9, but this is
clearly due to a negative CMB fluctuation (∆TCMB = −60 ±
17 µK). For the largest fitted CMB temperature of ∆TCMB =
603 ± 180 µK in G030.77−00.03, we find an AME amplitude
of (194 ± 22) × 1020 cm−2 (8.5σ). Without a CMB component
(∆TCMB = 0), the AME amplitude is (154 ± 20) × 1020 cm−2

(7.6σ). In this case the CMB does not appear to be causing a
large bias, although there is a ≈1−2σ bias in a few sources. This
justifies our high cut-off threshold of 5σ. We also verify that the
general trends presented in our analysis still hold when not tak-
ing into account the CMB.

Fig. 9. Correlation plot between the AME amplitude, Asp, and the fit-
ted CMB fluctuation temperature. Symbols are as in Fig. 6. For most
sources, the fitted CMB temperatures are within the expected range
shown as dashed lines (|∆TCMB| < 150 µK) and are not strongly cor-
related with the AME flux density. However, for some sources, there
is a strong positive correlation with CMB temperatures that are higher
than expected, but associated with larger uncertainties.

In summary, we are confident in the robustness of our AME
detections, particularly those atσAME > 5. We have been conser-
vative with the uncertainties in the photometry, and in most cases
our SEDs do not change appreciably when changing the details

A103, page 13 of 28

AME	  –	  spinning	  dust	  –	  physical	  models	  

(Residual)	  AME	  spectrum	  	  

Collisions	  with	  gas,	  plasma	  drag,	  and	  infra-‐red	  photons	  are	  
three	  possible	  mechanisms	  to	  spin	  up	  (very	  rapidly!)	  very	  small	  
dust	  grains	  and	  to	  make	  them	  radiate	  at	  GHz	  frequencies.	  
	  
The	  observed	  AME	  spectrum	  has	  	  a	  parabola	  shape	  (in	  the	  
log(F)-‐log(ν)	  space):	  

Is AME due to spinning PAHs ? 
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Spinning	  dust	  provides	  a	  poten4al	  diagnos4c	  for	  interstellar	  dust	  proper4es.	  
By	  comparing	  the	  observed	  spectrum	  with	  physical	  models	  we	  can	  inves/gate:	  
à	  The	  density	  of	  the	  medium,	  the	  radia/on	  field	  to	  which	  the	  grains	  are	  exposed,	  the	  abundance	  of	  
small	  grains	  and	  PAHs	  –	  these	  par/cles	  are	  very	  important	  in	  the	  hea/ng	  and	  chemistry	  of	  the	  ISM!	  
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Historically,	  interstellar	  dust	  was	  first	  recognized	  for	  its	  obscuring	  effects	  –	  dark	  lanes	  seen	  in	  the	  
op/cal	  images	  of	  the	  Galaxy,	  due	  to	  the	  absorp/on/sca`ering	  of	  starlight	  (later	  in	  this	  sec/on).	  
	  
With	  the	  increased	  sensi/vity	  in	  sub-‐mm/far-‐infrared	  instruments,	  in	  par/cular	  satellites	  that	  
allowed	  us	  to	  trace	  the	  dust	  emission	  across	  the	  whole	  sky,	  dust	  is	  increasingly	  important	  as	  a	  
diagnos/c	  of	  the	  ISM.	  	  
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Fig. 2. Dust emission for the DHGL medium. Grey symbols and curves indicate the observed emission spectrum (see Sect. 4.1) for NH =
1020 H cm−2. The mid-IR (∼5−15 µm) and far-IR (∼100−1000 µm) spectra are from ISOCAM/CVF (ISO satellite) and FIRAS (COBE satellite),
respectively. The triangle at 3.3 µm is a narrow band measurment from AROME balloon experiment. Squares are the photometric measurments
from DIRBE (COBE). Black lines are the model output and black squares the modeled DIRBE points taking into account instrumental transmission
and color corrections.

Fig. 3. Long wavelength emission of dust in the DHGL medium.
Grey symbols and curves indicate the observed emission spectrum
(see Sect. 4.1) for NH = 1020 H cm−2. The spectrum is a FIRAS
(COBE satellite) measurment. Squares and diamonds are the photomet-
ric measurments from DIRBE (COBE) and WMAP, respectively. Black
lines are the model output and black squares the modeled DIRBE points
taking into account instrumental transmission and color corrections.

4.2. The model

To model the DHGL data set we use three dust components:
(i) PAHs; (ii) hydrogenated amorphous carbon (hereafter amC)
and (iii) amorphous silicates (hereafter aSil). The properties of

each type are described in the Appendix A. In the course of dust
evolution, composite or core-mantle (silicate-carbon) grains are
likely to appear that would lead to a similar polarization of both
the 3.4 µm absorption band of amorphous carbon and the 9.7 µm
band of the silicates (see Adamson et al. 1999; Li & Greenberg
2002). We do not consider such composite grains here because
recent spectropolarimetric measurements by Chiar et al. (2006)
indicate that the 3.4 µm band is not polarized while the 9.7 µm
band along the same sightline is polarized. Although such ob-
servations should be pursued, these results may indicate that the
carriers of the 3.4 and 9.7 µm features belong to physically sep-
arated dust populations where the former are poorly elongated
or not well aligned with the magnetic field while the latter are.
Further constraints on this issue will be obtained from Planck
measurements of polarized dust emission in the submm range.

The size distribution and abundance of the dust components
have been adjusted in order to reproduce both the extinction
and emission. The required size distributions are shown in the
form of their mass distributions in Fig. 1. The population of
amorphous carbon dust has been divided into small (SamC) and
large (LamC) grains, but the overall size distribution of carbona-
ceous grains (PAH and amC) is continuous. Following previous
studies (e.g. Weingartner & Draine 2001a), the smallest grains
(PAH and SamC) size distributions are assumed to have log-
normal distributions (with a0 the centre radius and σ the width
of the distribution). The LamC and aSil size distributions fol-
low a power law (∝aα) starting at amin and with an exponen-
tial cut-off of the form e−[(a−at)/ac]γ for a ≥ at (1 otherwise) at
large sizes. As noted by Kim & Martin (1995), such a form
in the cut-off is required to explain the observed polarization
in the near-IR: the polarization capabilities of the present dust
model will be discussed in a future paper. The abundances and
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Mul/ple	  dust	  component	  modelling	  of	  the	  emission	  from	  the	  diffuse	  high	  Galac/c	  
la/tude	  medium;	  data	  from	  the	  ISO	  and	  COBE	  satellites	  (Compiegne	  et	  al.	  2011).	  
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respectively. The triangle at 3.3 µm is a narrow band measurment from AROME balloon experiment. Squares are the photometric measurments
from DIRBE (COBE). Black lines are the model output and black squares the modeled DIRBE points taking into account instrumental transmission
and color corrections.

Fig. 3. Long wavelength emission of dust in the DHGL medium.
Grey symbols and curves indicate the observed emission spectrum
(see Sect. 4.1) for NH = 1020 H cm−2. The spectrum is a FIRAS
(COBE satellite) measurment. Squares and diamonds are the photomet-
ric measurments from DIRBE (COBE) and WMAP, respectively. Black
lines are the model output and black squares the modeled DIRBE points
taking into account instrumental transmission and color corrections.

4.2. The model

To model the DHGL data set we use three dust components:
(i) PAHs; (ii) hydrogenated amorphous carbon (hereafter amC)
and (iii) amorphous silicates (hereafter aSil). The properties of

each type are described in the Appendix A. In the course of dust
evolution, composite or core-mantle (silicate-carbon) grains are
likely to appear that would lead to a similar polarization of both
the 3.4 µm absorption band of amorphous carbon and the 9.7 µm
band of the silicates (see Adamson et al. 1999; Li & Greenberg
2002). We do not consider such composite grains here because
recent spectropolarimetric measurements by Chiar et al. (2006)
indicate that the 3.4 µm band is not polarized while the 9.7 µm
band along the same sightline is polarized. Although such ob-
servations should be pursued, these results may indicate that the
carriers of the 3.4 and 9.7 µm features belong to physically sep-
arated dust populations where the former are poorly elongated
or not well aligned with the magnetic field while the latter are.
Further constraints on this issue will be obtained from Planck
measurements of polarized dust emission in the submm range.

The size distribution and abundance of the dust components
have been adjusted in order to reproduce both the extinction
and emission. The required size distributions are shown in the
form of their mass distributions in Fig. 1. The population of
amorphous carbon dust has been divided into small (SamC) and
large (LamC) grains, but the overall size distribution of carbona-
ceous grains (PAH and amC) is continuous. Following previous
studies (e.g. Weingartner & Draine 2001a), the smallest grains
(PAH and SamC) size distributions are assumed to have log-
normal distributions (with a0 the centre radius and σ the width
of the distribution). The LamC and aSil size distributions fol-
low a power law (∝aα) starting at amin and with an exponen-
tial cut-off of the form e−[(a−at)/ac]γ for a ≥ at (1 otherwise) at
large sizes. As noted by Kim & Martin (1995), such a form
in the cut-off is required to explain the observed polarization
in the near-IR: the polarization capabilities of the present dust
model will be discussed in a future paper. The abundances and

A103, page 6 of 14

The	  long	  wavelength	  tail	  of	  dust	  emission	  is	  dominated	  
by	  the	  emission	  from	  the	  largest	  grains.	  
	  
Dust	  grains	  are	  heated	  by	  the	  stellar	  photons	  and	  cool	  
by	  radia/ng	  in	  the	  infra-‐red	  and	  sub-‐mm.	  	  	  
	  
à	  They	  are	  in	  thermal	  equilibrium	  with	  the	  radia=on	  
field	  and	  their	  emission	  can	  be	  approximated	  by	  a	  
greybody	  func4on,	  or	  modified	  blackbody	  law.	  	  

A	  modified	  blackbody	  (MBB)	  describes	  the	  op=cally	  thin	  thermal	  emission	  of	  the	  dust	  grains	  
and	  has	  the	  form:	  	  	  	  	  
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ABSTRACT

We use Planck HFI data combined with ancillary radio data to study the emissivity index of the interstellar dust emission in the frequency
range 100–353 GHz, or 3–0.8 mm, in the Galactic plane. We analyse the region l = 20◦–44◦ and |b| ≤ 4◦ where the free-free emission can be
estimated from radio recombination line data. We fit the spectra at each sky pixel with a modified blackbody model and two opacity spectral
indices, βmm and βFIR, below and above 353 GHz, respectively. We find that βmm is smaller than βFIR, and we detect a correlation between this low
frequency power-law index and the dust optical depth at 353 GHz, τ353. The opacity spectral index βmm increases from about 1.54 in the more
diffuse regions of the Galactic disk, |b| = 3◦–4◦ and τ353 ∼ 5 × 10−5, to about 1.66 in the densest regions with an optical depth of more than one
order of magnitude higher. We associate this correlation with an evolution of the dust emissivity related to the fraction of molecular gas along the
line of sight. This translates into βmm ∼ 1.54 for a medium that is mostly atomic and βmm ∼ 1.66 when the medium is dominated by molecular
gas. We find that both the two-level system model and magnetic dipole emission by ferromagnetic particles can explain the results. These results
improve our understanding of the physics of interstellar dust and lead towards a complete model of the dust spectrum of the Milky Way from
far-infrared to millimetre wavelengths.

Key words. ISM: general – Galaxy: general – radiation mechanisms: general – radio continuum: ISM – submillimeter: ISM

1. Introduction

The frequency coverage of Planck1 is opening new windows in
our understanding of Galactic emission. This is especially the
case for the high frequency data that provide an all-sky view

⋆ Corresponding author: M. I. R. Alves
e-mail: marta.alves@ias.u-psud.fr
1 Planck (http://www.esa.int/Planck) is a project of the
European Space Agency (ESA) with instruments provided by two sci-
entific consortia funded by ESA member states (in particular the lead
countries France and Italy), with contributions from NASA (USA) and
telescope reflectors provided by a collaboration between ESA and a sci-
entific consortium led and funded by Denmark.

of the Rayleigh-Jeans regime of the thermal dust spectrum. The
emission at the Planck high frequency bands (350 µm–3 mm)
is dominated by the contribution of big grains (radius larger
than 0.05 µm), which heated by stellar photons are in thermal
equilibrium with the interstellar radiation field (ISRF). The spec-
tral energy distribution (SED) of big dust grains is usually ap-
proximated by a modified blackbody emission law of the form

Iν = τν0

(
ν

ν0

)β
Bν(ν, Td), (1)

where τν0 is the dust optical depth at a reference frequency ν0,
β the spectral index of the opacity, and Bν the Planck function,

Article published by EDP Sciences A45, page 1 of 13

The	  Planck	  func/on	  at	  a	  temperature	  TD	  –	  the	  dust	  temperature	  –	  is	  modified	  
by	  a	  power	  law	  -‐	  the	  dust	  op/cal	  depth/opacity	  -‐	  which	  has	  a	  spectral	  index	  β.	  

Compiegne	  et	  al.	  2011	  



Emission	  from	  big	  dust	  grains	  –	  dust	  proper4es	  

The	  dust	  op/cal	  depth	  is	  the	  product	  of	  the	  dust	  emissivity	  cross	  sec/on	  per	  unit	  mass	  and	  
the	  dust	  mass	  column	  density	  
	  
	  

	   	   	   	   	  where	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  	  .	  

Planck collaboration: All-sky model of thermal dust emission
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Fig. 4. Polar orthographic projection of the low NH i mask shown in Fig. 3 (left).
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Fig. 5. Correlation plots used to estimate the Galactic zero levels of the IRAS and Planck maps (ZE subtracted). Left: Correlation of
857 and 3000 GHz vs H i column density obtained on the NH i < 2 ⇥ 1020 cm�2 mask (Fig. 3 bottom left). Right: Correlation of 353
and 545 GHz vs 857 GHz obtained on the NH i < 3 ⇥ 1020 cm�2 mask (Fig. 3 bottom right). All maps in the analysis were smoothed
to a common resolution of 1�. The black circles and the associated bars are the average and standard deviation of I⌫ in bins of NH i

(left) and I857 (right).

In the optically thin limit, the SED of emission from a uni-
form population of grains is well described, empirically, by a
modified blackbody (MBB):

I⌫ = ⌧⌫ B⌫(T ) , (2)

where I⌫ is the specific intensity, B⌫(T ) is the Planck function for
dust at temperature T , and ⌧⌫ is the frequency-dependent dust
optical depth modifying the blackbody shape of the SED. The
optical depth is the product of the dust opacity, �e ⌫, and the gas
column density, NH:

⌧⌫ = �e ⌫ NH . (3)

Alternatively, the optical depth is the product of the dust emis-
sivity cross section per unit mass, ⌫ (in cm2 g�1), and the dust
mass column density, Mdust:

⌧⌫ = ⌫ Mdust , (4)

where Mdust = r µmH NH, with r being the dust-to-gas mass ra-
tio, µ the mean molecular weight, and mH the mass of a hydro-
gen atom. Note that ⌫ depends on the chemical composition
and structure of dust grains, but not the size for particles small
compared to the wavelength, as here. It is usually described as
a power law ⌫ = 0(⌫/⌫0)� (Compiègne et al. 2011), where 0
is the emission cross-section at a reference frequency ⌫0. Put to-
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In the optically thin limit, the SED of emission from a uni-
form population of grains is well described, empirically, by a
modified blackbody (MBB):

I⌫ = ⌧⌫ B⌫(T ) , (2)

where I⌫ is the specific intensity, B⌫(T ) is the Planck function for
dust at temperature T , and ⌧⌫ is the frequency-dependent dust
optical depth modifying the blackbody shape of the SED. The
optical depth is the product of the dust opacity, �e ⌫, and the gas
column density, NH:

⌧⌫ = �e ⌫ NH . (3)

Alternatively, the optical depth is the product of the dust emis-
sivity cross section per unit mass, ⌫ (in cm2 g�1), and the dust
mass column density, Mdust:

⌧⌫ = ⌫ Mdust , (4)

where Mdust = r µmH NH, with r being the dust-to-gas mass ra-
tio, µ the mean molecular weight, and mH the mass of a hydro-
gen atom. Note that ⌫ depends on the chemical composition
and structure of dust grains, but not the size for particles small
compared to the wavelength, as here. It is usually described as
a power law ⌫ = 0(⌫/⌫0)� (Compiègne et al. 2011), where 0
is the emission cross-section at a reference frequency ⌫0. Put to-
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The	  dust	  opacity	  depends	  on	  the	  chemical	  composi/on	  and	  structure	  of	  the	  grains	  –	  but	  not	  on	  
their	  size,	  when	  the	  par/cles	  are	  small	  compared	  to	  the	  wavelength,	  as	  is	  the	  case.	  This	  means	  
that	  the	  spectral	  index	  β	  varies,	  depending	  on	  the	  proper/es	  of	  the	  grains.	  
	  
à  Study	  of	  the	  dust	  emission	  spectrum	  gives	  constraints	  on	  the	  proper4es	  of	  interstellar	  dust.	  

Another	  aspect	  of	  great	  importance	  when	  studying	  the	  emission	  of	  interstellar	  dust	  is	  that	  its	  
opacity	  is	  propor/onal	  to	  the	  total	  column	  density	  of	  gas,	  which	  is	  a	  measure	  of	  the	  mass	  in	  the	  
interstellar	  medium	  (gas	  and	  dust	  are	  well	  mixed	  in	  the	  ISM).	  



Emission	  from	  big	  dust	  grains	  –	  in	  prac4ce	  Model of dust emission

• Goals
! Produce an all-sky map of dust optical depth

! structure of the ISM from all gas phase
! all-sky map of reddening (E(B-V))

! Evaluate the shape of the dust SED.
! Dust emissivity from the di"use ISM to mol. clouds
! Provide an improved dust model for comp. separation

• Advantage of Planck
! Higher angular resolution
! Frequency coverage allows to estimate the optical 

depth at low frequency, where it is less sensitive to the 
parametrization of the SED
! 353 GHz : calibration precise to 2.5%
! An error on T of 1 K implies an error on Tau353 of 

only 6%
! Previous normalization of dust emission / extinction 

were done at 100 micron (3000 GHz)
! An error on T of 1 K implies an error on Tau3000 of 

30%

I⇥ = NH B⇥(T )�⇥
�

�353 =
I353

B353(T )

Dust optical depth
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ABSTRACT

We use Planck HFI data combined with ancillary radio data to study the emissivity index of the interstellar dust emission in the frequency
range 100–353 GHz, or 3–0.8 mm, in the Galactic plane. We analyse the region l = 20◦–44◦ and |b| ≤ 4◦ where the free-free emission can be
estimated from radio recombination line data. We fit the spectra at each sky pixel with a modified blackbody model and two opacity spectral
indices, βmm and βFIR, below and above 353 GHz, respectively. We find that βmm is smaller than βFIR, and we detect a correlation between this low
frequency power-law index and the dust optical depth at 353 GHz, τ353. The opacity spectral index βmm increases from about 1.54 in the more
diffuse regions of the Galactic disk, |b| = 3◦–4◦ and τ353 ∼ 5 × 10−5, to about 1.66 in the densest regions with an optical depth of more than one
order of magnitude higher. We associate this correlation with an evolution of the dust emissivity related to the fraction of molecular gas along the
line of sight. This translates into βmm ∼ 1.54 for a medium that is mostly atomic and βmm ∼ 1.66 when the medium is dominated by molecular
gas. We find that both the two-level system model and magnetic dipole emission by ferromagnetic particles can explain the results. These results
improve our understanding of the physics of interstellar dust and lead towards a complete model of the dust spectrum of the Milky Way from
far-infrared to millimetre wavelengths.

Key words. ISM: general – Galaxy: general – radiation mechanisms: general – radio continuum: ISM – submillimeter: ISM

1. Introduction

The frequency coverage of Planck1 is opening new windows in
our understanding of Galactic emission. This is especially the
case for the high frequency data that provide an all-sky view

⋆ Corresponding author: M. I. R. Alves
e-mail: marta.alves@ias.u-psud.fr
1 Planck (http://www.esa.int/Planck) is a project of the
European Space Agency (ESA) with instruments provided by two sci-
entific consortia funded by ESA member states (in particular the lead
countries France and Italy), with contributions from NASA (USA) and
telescope reflectors provided by a collaboration between ESA and a sci-
entific consortium led and funded by Denmark.

of the Rayleigh-Jeans regime of the thermal dust spectrum. The
emission at the Planck high frequency bands (350 µm–3 mm)
is dominated by the contribution of big grains (radius larger
than 0.05 µm), which heated by stellar photons are in thermal
equilibrium with the interstellar radiation field (ISRF). The spec-
tral energy distribution (SED) of big dust grains is usually ap-
proximated by a modified blackbody emission law of the form

Iν = τν0

(
ν

ν0

)β
Bν(ν, Td), (1)

where τν0 is the dust optical depth at a reference frequency ν0,
β the spectral index of the opacity, and Bν the Planck function,
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Having	  a	  sufficient	  number	  of	  frequency	  points,	  we	  can	  
fit	  the	  MBB	  func/on	  for	  the	  three	  unknown	  parameters:	  
	  
	  
	  
	  
	  
	  
this	  gives	  us	  directly	  the	  op/cal	  depth	  at	  a	  reference	  
frequency	  ν0,	  which	  we	  can	  convert	  into	  a	  column	  
density	  NH,	  and	  es/mate	  the	  mass	  of	  objects	  –	  for	  which	  
the	  distance	  is	  known.	  
	  
Knowledge	  of	  the	  mass	  is	  important	  to	  assess	  the	  
gravita=onal	  state	  of	  interstellar	  objects.	  

6	  Planck	  frequencies	  (100-‐857	  GHz)	  and	  	  
IRAS	  3000	  GHz	  

Dust	  is	  therefore	  seen/used	  as	  a	  tracer	  of	  interstellar	  maVer.	  



Dust	  op4cal	  depth	  –	  gas	  column	  density	  
Planck collaboration: All-sky model of thermal dust emission
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Fig. 9. All-sky maps of the parameters of the MBB fit of Planck 353, 545, and 857 GHz and IRAS 100 µm data. Upper: optical depth
at 353 GHz, ⌧353, at 50 resolution, displayed logarithmically (the range shown corresponds to �6.5 < log10(⌧353) < �3). Middle:
observed dust temperature, Tobs, at 50 resolution, in kelvin. Lower: observed dust spectral index, �obs, at 300 resolution.
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Planck	  Collabora/on	  XI.	  (2014)	  
	  

This	  map	  gives	  us	  an	  image	  of	  the	  Galaxy’s	  reservoir	  for	  star	  forma/on,	  as	  it	  
traces	  interstellar	  gas	  from	  all	  phases.	  



Dust	  and	  γ-‐rays	  –	  gas	  column	  density	  tracers	  

maps centered at l = 270°
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PRELIMINARY

Fermi	  

Planck	  

Besides	  the	  two	  γ-‐ray	  produc/on	  
mechanisms	  already	  men/oned	  
(inverse	  Compton	  and	  Bremsstrahlung),	  
diffuse	  γ-‐ray	  emission	  also	  arises	  from	  
the	  interac/on	  between	  cosmic-‐ray	  
protons	  and	  all	  forms	  of	  interstellar	  
gas	  (γ-‐rays	  are	  produced	  from	  the	  
decay	  of	  the	  generated	  π0	  par/cles).	  
	  
There	  is	  therefore	  a	  correla/on	  
between	  the	  diffuse	  Galac/c	  emission	  
detected	  with	  Fermi	  and	  with	  Planck:	  
both	  are	  tracing	  the	  total	  gas	  column	  
density	  in	  the	  ISM.	  
	  
(Dust	  maps	  from	  Planck	  are	  used	  to	  
separate	  the	  different	  γ-‐ray	  
components	  of	  diffuse	  emission.)	  	  

(Maps	  centred	  at	  l=270°)	  

I.Grenier	  2013	  ESLAB	  



Dust	  polariza4on	  

Dust polarization

Two observables: polarization fraction and angle

p = P/I =

p
Q2 + U2

I
 =

1

2
tan�1(U/Q)

• Aspherical dust grains rotate at 
super-thermal velocities and  
align their axis of maximal inertia 
with the magnetic field 
orientation 

• Alignment processes are still 
debated

• We assume that the alignment 
is ubiquitous and the degree of 
dust polarization homogeneous.

• In the sub-mm domain we 
observe linearly polarized light in 
emission perpendicular to the 
field lines

• We observe less polarized 
radiation when the field is along 
the line of sight

Dust	  emits	  polarized	  emission	  in	  the	  sub-‐mm/far-‐infrared;	  dust	  
grains	  also	  polarize	  starlight	  in	  the	  visible/ultraviolet.	  	  

-‐	  Dust	  grains	  are	  aspherical	  and	  
rotate	  at	  super-‐thermal	  veloci/es	  
along	  their	  axis	  of	  maximal	  iner/a,	  
which	  is	  aligned	  with	  the	  magne/c	  
field	  (alignment	  processes	  s/ll	  
debated).	  
	  
-‐	  Grains	  emit	  preferen/ally	  along	  
their	  longest	  axis,	  therefore	  the	  
polariza/on	  of	  the	  emi`ed	  wave	  is	  
perpendicular	  to	  the	  magne/c	  
field.	  
	  
-‐	  The	  ex4nc4on	  of	  starlight	  by	  dust	  
grains	  is	  higher	  parallel	  to	  the	  
longest	  axis,	  thus	  the	  incoming	  light	  
is	  polarized	  parallel	  to	  the	  magne/c	  
field.	  
	  



Dust	  polariza4on	  –	  Stokes	  parameters	  

Q = Pcos2χ
U = Psin2χ

P = Q2 +U 2

p = P / I

Dust	  polarized	  intensity	  is	  given	  by:	  

P = p0 cos
2 γ

Reminder:	  

Intrinsic	  polariza/on	  
frac/on	  (dust	  proper/es;	  
degree	  of	  alignment)	  

Angle	  between	  the	  
plane	  of	  the	  sky	  and	  
the	  magne/c	  field	  

 

ESLAB Symposium, 4th April 2013  -  Planck Collaboration - V. Guillet : Comparing dust polarization at 353GHz and in the visible            4 / 21
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P/I and p/τ are maximal P/I and p/τ = 0

Projection effects of magnetic field orientation

P/I  cos∝ 2(γ)

Plane of 
the sky

B

γ
We	  observe	  less	  

polarized	  
emission	  when	  
the	  field	  is	  along	  
the	  line	  of	  sight.	  

Credits:	  L.	  Fanciullo	  	  



Dust	  polariza4on	  observa4ons	  –	  in	  prac4ce	  

What	  can	  we	  infer	  from	  these	  observa/ons?	  
	  
	  
•  The	  polariza/on	  frac/on	  gives	  important	  constraints	  on	  the	  proper/es	  of	  dust	  grains	  

(which	  popula/ons	  are	  aligned,	  with	  what	  alignment	  efficiency,	  etc.)	  and	  it	  can	  also	  give	  
indirect	  informa/on	  on	  the	  3rd	  component	  of	  the	  magne/c	  field,	  through	  the	  	  	  	  	  	  	  	  	  	  	  	  	  	  term.	  

	  
	  
•  Again	  –	  as	  in	  the	  case	  of	  synchrotron	  observa/ons	  -‐	  the	  ra/o	  between	  the	  Q	  and	  U	  Stokes	  

parameters	  	  gives	  directly	  the	  magne4c	  field	  orienta4on:	  

	  
And	  as	  we	  just	  saw,	  emission/ex/nc/on	  polarizes	  light	  in	  perpendicular	  orienta/ons.	  
	  
à  Using	  ex/nc/on	  data 	   	   	  and	  using	  emission	  data	  
	  
The	  important	  aspect	  of	  tracing	  the	  magne/c	  field	  orienta/on	  through	  through	  dust	  
polariza/on	  is	  that	  dust	  is	  a	  tracer	  of	  interstellar	  ma`er,	  thus	  we	  have	  access	  to	  the	  magne/c	  
field	  structure	  in	  star-‐forming	  regions.	  

χ = 0.5tan−1(U /Q)

ψB = χ +π / 2ψB = χ

cos2 γ



The	  magne4c	  field	  of	  the	  Milky	  Way	  -‐	  Dust	  

...looking at our own Galaxy 

• Balloon-borne and ground-based 
experiments targeted objects in 
emission at high resolution in the 
Milky Way

• Link between the large scales and small scales
• No statistical conclusions from observations 
   (Goodman+95, Li+13, Clark+14, ... )

• Stellar polarimetry
point-like measures
constrained by extinction 
along the line of sight

Heiles05

Alves+14

Chapman+11

filament in Taurus

Before	  the	  Planck	  all-‐sky	  survey	  we	  had	  informa/on	  on	  the	  large	  scale	  Galac/c	  magne/c	  field	  
through	  dust	  ex/nc/on	  measurements	  (towards	  thousands	  of	  stars).	  	  

Studies	  of	  individual	  regions	  using	  dust	  ex/nc/on	  are	  restricted	  to	  the	  
number	  of	  stars	  in	  the	  field	  (not	  well	  sampled);	  sub-‐mm	  observa/ons	  with	  
balloons	  or	  ground	  based	  telescopes	  are	  restricted	  to	  small	  regions	  of	  the	  sky.	  
	  
Planck	  provides	  the	  first	  all-‐sky	  fully	  sampled	  map	  of	  dust	  polarized	  emission,	  
from	  which	  we	  can	  make	  the	  link	  between	  the	  small	  and	  large	  scales	  of	  the	  
magne/c	  field.	  

...looking at our own Galaxy 

• Balloon-borne and ground-based 
experiments targeted objects in 
emission at high resolution in the 
Milky Way

• Link between the large scales and small scales
• No statistical conclusions from observations 
   (Goodman+95, Li+13, Clark+14, ... )

• Stellar polarimetry
point-like measures
constrained by extinction 
along the line of sight

Heiles05

Alves+14

Chapman+11

filament in Taurus

Alves	  et	  al.	  (2014	  )	  



The	  dust	  polarized	  sky	  

Planck collaboration: The Planck dust polarization sky
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Fig. 6. Map of polarization fraction p from Fig. 4 with selected regions marked; statistics of these regions are given in Table 1.

Table 1. Polarization characteristics of individual regions shown in Fig. 6, computed at 1� resolution. The table gives the region
name (column 1), the Galactic coordinates and extent of the region (columns 2–5), the minimum, mean, median, maximum, and
standard deviation of p over the region (columns 6–10) and the median and standard deviation of  (columns 11–12). Note that the
values of  are given in the IAU convention. Regions are ordered by increasing median p.

Region `II bII �`II �bII min(p) mean(p) med(p) max(p) stdev(p) med( ) stdev( )
[�] [�] [�] [�] [%] [%] [%] [%] [%] [�] [�]

Polaris Flare.................... 120.0 27.0 12.0 12.0 0.10 3.11 2.94 7.40 1.50 176.72 46.23
Orion................................ 211.0 �16.0 12.0 12.0 0.08 3.22 2.97 10.23 1.73 177.17 42.87
Pipe .................................. 0.0 4.5 5.5 5.5 0.31 3.85 3.53 8.45 1.90 143.13 16.85
Ophiuchus....................... �6.0 15.0 12.0 12.0 0.11 5.11 4.59 12.22 2.60 0.84 20.69
Taurus .............................. 173.0 �15.0 12.0 12.0 0.16 5.08 4.83 11.62 2.19 129.00 60.11
RCrA................................ 10.0 �22.0 15.0 17.0 0.30 6.80 6.71 13.97 2.94 11.62 15.42
Cham-fil .......................... 315.0 �22.0 12.0 12.0 1.40 6.95 6.78 15.29 2.22 14.32 8.56
Pyxis ................................ �120.0 12.0 25.0 15.0 0.34 7.09 6.96 16.71 3.03 171.04 15.33
Aquila .............................. 42.0 �15.0 10.0 10.0 0.88 7.71 7.10 14.63 3.00 58.61 12.94
Auriga.............................. 145.0 0.0 50.0 30.0 0.12 7.55 7.58 18.64 2.76 1.69 12.20
RCrA-Tail ....................... 25.0 �22.0 15.0 17.0 1.66 8.63 8.40 15.53 3.16 170.71 14.65
Hercules........................... 40.0 45.0 15.0 50.0 0.37 8.67 8.59 37.49 3.69 65.26 58.68
Libra................................. �10.0 40.0 30.0 30.0 0.34 9.35 9.90 21.39 3.42 20.03 23.72
Chamaeleon-Musca....... 300.0 �13.0 12.0 12.0 0.89 9.29 9.98 15.08 3.15 15.06 10.80
Aquila Rift ...................... 18.0 24.0 25.0 30.0 0.12 10.25 10.21 20.15 3.55 50.91 13.09
Ara.................................... 336.0 �14.0 12.0 12.0 3.15 11.18 10.85 21.09 2.99 177.49 8.90
Pisces ............................... 133.0 �37.0 12.0 12.0 4.32 12.10 11.72 20.81 3.22 15.60 4.99
Microscopium ................ 15.0 �40.0 12.0 12.0 6.20 11.78 11.76 18.63 2.27 24.66 10.80
Triangulum ..................... �35.0 �14.0 10.0 7.0 5.21 12.12 12.12 17.14 2.82 6.66 4.95
Perseus............................. 143.0 �25.0 12.0 12.0 5.66 12.68 12.68 21.10 3.20 9.68 5.96
Pavo.................................. 336.0 �28.0 12.0 12.0 3.60 14.13 14.33 21.77 3.61 14.29 7.99

tracted from the intensity map we use, which therefore does not
contain the CIB monopole. We added the corresponding uncer-
tainty to the intensity variance, so that the statistical uncertainties
on p include the uncertainty on the CIB subtraction.

The zodiacal light (ZL) has a smooth distribution on the
sky. From the model constrained by its detection in the Planck
bands (Planck Collaboration XIV 2014), its median intensity at
353 GHz is 1.9 ⇥ 10�2 MJy sr�1 over the sky area studied here,

and reaches ' 4.3 ⇥ 10�2 MJy sr�1) in dust lanes near the eclip-
tic plane. Its polarization in the submillimetre is currently un-
constrained observationally. Since this intensity is subdominant
over most of the sky fraction and the polarization level of ZL is
currently unknown, we apply no correction for the possible con-
tribution of ZL. We note that, if ZL was assumed unpolarized,
subtracting its intensity would raise the observed polarization
levels by about 0.5 % of the observed polarization fraction, on

9

Planck collaboration: The Planck dust polarization sky

Fig. 4. Upper: Map of the 353 GHz polarization fraction p at 1� resolution. The colour scale is linear and ranges from 0 % to
20 %. Lower: Map of the 353 GHz polarization fraction uncertainty, �p, at 1� resolution in log10 scale. The colour scale is from
�p = 0.1 % to �p = 10 %. The data are not shown in the grey areas where the dust emission is not dominant or where residuals
were identified comparing individual surveys (see Sect. 2.4). The polarization fraction is obtained using the Bayesian method with
a mean posterior estimator (see Sect. 2.3). The uncertainty map includes statistical and systematic contributions. The same mask as
in Fig. 1 is applied.

from dust. Since we do not concentrate on regions with strong
molecular emission in this paper, no correction was applied for
the CO emission BPM leakage.

Figure 3 shows the e↵ect of the correction for BPM on the
observed distribution of polarization angles toward the plane of

the Milky Way (|bII| < 5�) in the four Galactic quadrants (Q1,
Q2, Q3 and Q4, defined by 0� < `II < 90�, 90� < `II < 180�,
180� < `II < 270�, and 270� < `II < 360�, respectively). When
no BPM leakage correction is applied, angles are observed to
be distributed around +20� and �5� for the inner (Q1 and Q4)

6

Some	  regions	  of	  very	  high	  (~20%)	  dust	  polariza/on	  frac/on	  (not	  observed	  before,	  unexpected).	  

Plank	  Collabora/on	  XIX	  (2015)	  



Planck collaboration: All-sky model of thermal dust emission
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Fig. 9. All-sky maps of the parameters of the MBB fit of Planck 353, 545, and 857 GHz and IRAS 100 µm data. Upper: optical depth
at 353 GHz, ⌧353, at 50 resolution, displayed logarithmically (the range shown corresponds to �6.5 < log10(⌧353) < �3). Middle:
observed dust temperature, Tobs, at 50 resolution, in kelvin. Lower: observed dust spectral index, �obs, at 300 resolution.

11

The	  dust	  unpolarized	  vs	  polarized	  sky	  

Planck	  Collabora/on	  XI.	  (2014)	  



The	  dust	  polarized	  sky	  –	  signature	  of	  the	  large	  scale	  magne4c	  field	  
Planck collaboration: The Planck dust polarization sky
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Fig. 6. Map of polarization fraction p from Fig. 4 with selected regions marked; statistics of these regions are given in Table 1.

Table 1. Polarization characteristics of individual regions shown in Fig. 6, computed at 1� resolution. The table gives the region
name (column 1), the Galactic coordinates and extent of the region (columns 2–5), the minimum, mean, median, maximum, and
standard deviation of p over the region (columns 6–10) and the median and standard deviation of  (columns 11–12). Note that the
values of  are given in the IAU convention. Regions are ordered by increasing median p.

Region `II bII �`II �bII min(p) mean(p) med(p) max(p) stdev(p) med( ) stdev( )
[�] [�] [�] [�] [%] [%] [%] [%] [%] [�] [�]

Polaris Flare.................... 120.0 27.0 12.0 12.0 0.10 3.11 2.94 7.40 1.50 176.72 46.23
Orion................................ 211.0 �16.0 12.0 12.0 0.08 3.22 2.97 10.23 1.73 177.17 42.87
Pipe .................................. 0.0 4.5 5.5 5.5 0.31 3.85 3.53 8.45 1.90 143.13 16.85
Ophiuchus....................... �6.0 15.0 12.0 12.0 0.11 5.11 4.59 12.22 2.60 0.84 20.69
Taurus .............................. 173.0 �15.0 12.0 12.0 0.16 5.08 4.83 11.62 2.19 129.00 60.11
RCrA................................ 10.0 �22.0 15.0 17.0 0.30 6.80 6.71 13.97 2.94 11.62 15.42
Cham-fil .......................... 315.0 �22.0 12.0 12.0 1.40 6.95 6.78 15.29 2.22 14.32 8.56
Pyxis ................................ �120.0 12.0 25.0 15.0 0.34 7.09 6.96 16.71 3.03 171.04 15.33
Aquila .............................. 42.0 �15.0 10.0 10.0 0.88 7.71 7.10 14.63 3.00 58.61 12.94
Auriga.............................. 145.0 0.0 50.0 30.0 0.12 7.55 7.58 18.64 2.76 1.69 12.20
RCrA-Tail ....................... 25.0 �22.0 15.0 17.0 1.66 8.63 8.40 15.53 3.16 170.71 14.65
Hercules........................... 40.0 45.0 15.0 50.0 0.37 8.67 8.59 37.49 3.69 65.26 58.68
Libra................................. �10.0 40.0 30.0 30.0 0.34 9.35 9.90 21.39 3.42 20.03 23.72
Chamaeleon-Musca....... 300.0 �13.0 12.0 12.0 0.89 9.29 9.98 15.08 3.15 15.06 10.80
Aquila Rift ...................... 18.0 24.0 25.0 30.0 0.12 10.25 10.21 20.15 3.55 50.91 13.09
Ara.................................... 336.0 �14.0 12.0 12.0 3.15 11.18 10.85 21.09 2.99 177.49 8.90
Pisces ............................... 133.0 �37.0 12.0 12.0 4.32 12.10 11.72 20.81 3.22 15.60 4.99
Microscopium ................ 15.0 �40.0 12.0 12.0 6.20 11.78 11.76 18.63 2.27 24.66 10.80
Triangulum ..................... �35.0 �14.0 10.0 7.0 5.21 12.12 12.12 17.14 2.82 6.66 4.95
Perseus............................. 143.0 �25.0 12.0 12.0 5.66 12.68 12.68 21.10 3.20 9.68 5.96
Pavo.................................. 336.0 �28.0 12.0 12.0 3.60 14.13 14.33 21.77 3.61 14.29 7.99

tracted from the intensity map we use, which therefore does not
contain the CIB monopole. We added the corresponding uncer-
tainty to the intensity variance, so that the statistical uncertainties
on p include the uncertainty on the CIB subtraction.

The zodiacal light (ZL) has a smooth distribution on the
sky. From the model constrained by its detection in the Planck
bands (Planck Collaboration XIV 2014), its median intensity at
353 GHz is 1.9 ⇥ 10�2 MJy sr�1 over the sky area studied here,

and reaches ' 4.3 ⇥ 10�2 MJy sr�1) in dust lanes near the eclip-
tic plane. Its polarization in the submillimetre is currently un-
constrained observationally. Since this intensity is subdominant
over most of the sky fraction and the polarization level of ZL is
currently unknown, we apply no correction for the possible con-
tribution of ZL. We note that, if ZL was assumed unpolarized,
subtracting its intensity would raise the observed polarization
levels by about 0.5 % of the observed polarization fraction, on
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g dust

Regions	  where	  the	  large	  scale	  Galac/c	  magne/c	  field	  is	  approximately	  along	  the	  line	  of	  sight:	  

γ ≈ 0°⇒ p = p0 cos
2 γ ≈ 0

Planck collaboration: The Planck dust polarization sky

Fig. 4. Upper: Map of the 353 GHz polarization fraction p at 1� resolution. The colour scale is linear and ranges from 0 % to
20 %. Lower: Map of the 353 GHz polarization fraction uncertainty, �p, at 1� resolution in log10 scale. The colour scale is from
�p = 0.1 % to �p = 10 %. The data are not shown in the grey areas where the dust emission is not dominant or where residuals
were identified comparing individual surveys (see Sect. 2.4). The polarization fraction is obtained using the Bayesian method with
a mean posterior estimator (see Sect. 2.3). The uncertainty map includes statistical and systematic contributions. The same mask as
in Fig. 1 is applied.

from dust. Since we do not concentrate on regions with strong
molecular emission in this paper, no correction was applied for
the CO emission BPM leakage.

Figure 3 shows the e↵ect of the correction for BPM on the
observed distribution of polarization angles toward the plane of

the Milky Way (|bII| < 5�) in the four Galactic quadrants (Q1,
Q2, Q3 and Q4, defined by 0� < `II < 90�, 90� < `II < 180�,
180� < `II < 270�, and 270� < `II < 360�, respectively). When
no BPM leakage correction is applied, angles are observed to
be distributed around +20� and �5� for the inner (Q1 and Q4)

6

Plank	  Collabora/on	  XIX	  (2015)	  
J.-‐P.	  Bernard	  2013	  ESLAB	  



The	  magne4c	  field	  of	  the	  Milky	  Way	  -‐	  Dust	  

L. Montier UTL - 18 Juin 2015

III  Le ciel polarisé dans notre Galaxie
La polarisation de la lumière par les grains poussière

Submillimetrique Planck collaboration 2015

We	  trace	  the	  magne/c	  field	  where	  there	  is	  interstellar	  ma`er.	  



L. Montier UTL - 18 Juin 2015

III  Le ciel polarisé dans notre Galaxie
La polarisation du rayonnement synchrotron

Planck collaboration 2015Radio

We	  trace	  the	  magne/c	  field	  in	  the	  much	  larger	  volume	  occupied	  by	  the	  cosmic	  ray	  electrons.	  

The	  magne4c	  field	  of	  the	  Milky	  Way	  -‐	  Synchrotron	  
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Dust	  polariza4on:	  what	  have	  we/are	  we	  
learning?	  

Which	  dust	  grains	  polarize	  light?	  
Probably	  carbon	  grains,	  with	  
ferromagne/c	  inclusions.	  	  

What	  is	  the	  structure	  of	  the	  large	  scale	  
Galac=c	  magne=c	  field?	  
Uniform	  at	  high	  Galac/c	  la/tudes;	  
affected	  by	  stellar	  feedback	  (winds,	  
explosions,	  etc.)	  in	  the	  Galac/c	  plane.	  	  

How	  are	  dust	  grains	  aligned?	  
(Very	  likely)	  By	  the	  radia/on	  from	  the	  
stars,	  which	  keeps	  them	  spinning	  and	  
gives	  them	  momentum.	  

What	  is	  the	  role	  of	  the	  magne=c	  field	  in	  
the	  forma=on	  of	  stars?	  
The	  magne/c	  field	  does	  have	  an	  
influence	  in	  how	  ma`er	  is	  distributed	  in	  
the	  ISM.	  How	  ma`er	  goes	  from	  being	  
governed	  by	  magne/c	  forces	  to	  
gravita/onal	  forces	  is	  s/ll	  under	  study…	  


